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Abstract. In this review we explore aspects of the field of astrobiology from an astronomical
viewpoint. We therefore focus on the origin of life in the context of planetary formation, with
additional emphasis on tracing the most abundant volatile elements, C, H, O, and N that are used
by life on Earth. We first explore the history of life on our planet and outline the current state of
our knowledge regarding the delivery of the C, H, O, N elements to the Earth. We then discuss
how astronomers track the gaseous and solid molecular carriers of these volatiles throughout the
process of star and planet formation. It is now clear that the early stages of star formation fosters
the creation of water and simple organic molecules with enrichments of heavy isotopes. These
molecules are found as ice coatings on the solid materials that represent microscopic beginnings
of terrestrial worlds. Based on the meteoritic and cometary record, the process of planet formation,
and the local environment, lead to additional increases in organic complexity. The astronomical
connections towards this stage are only now being directly made. Although the exact details are
uncertain, it is likely that the birth process of star and planets likely leads to terrestrial worlds being
born with abundant water and organics on the surface.
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INTRODUCTION
The field of astrobiology seeks to explore the question of our origin and, more broadly,
the question of life in the universe. This exploration must start with the birth of water-
coated terrestrial worlds that had carbon present in some organic form. Within an uncer-
tain and likely variable micro- and macro-environment, the genesis of biotic or repro-
ductive chemistry arises from abiotic chemical reactions. From such biotic precursors
ensues an evolutionary march towards complexity, which, over the course of billions of
years, yields the life-rich planet we know today. As one might imagine, this presents
a vast academic landscape and a single publication will not capture the multitude of
associated questions.
From the perspective of an astronomer we can ask what elements of “astro-” con-
tribute to astrobiology. One key astronomically motivated question is how common is
life in our galaxy? Since life as we know it requires liquid water as a medium for bio-
chemistry, it is logical to focus on planets which have the propensity to harbor surface
water in liquid-phase. Thus we would want to know how frequent rocky Earth-like plan-
ets occur within a radial region known as the habitable zone1. Over the past decade, with
significant contributions from the first successful planet hunters [2, 3], the search for
1 The habitable zone is defined as the orbital radius around a star of a given spectral type that would
provide a surface temperature such that water, if present, would be in liquid form (as opposed to solid ice
or water vapor). The classic reference for this term is by Kasting et al. [1].
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extra-solar planets has become a dominant field in astronomy. Quite recently NASA’s
Kepler satellite provided the first clear evidence of rocky planets and we now have a few
candidate objects that reside within the habitable zone [e.g., 4].
Of course the mere detection of a rocky world, which is inferred to have an envi-
ronment suitable for surface water, does not conclusively state that reproductive life
is present in any form. To answer this question, there are two main perspectives one
can take. The first of which is to study the detailed history of life on Earth over the
last 4.6 billion years of planetary evolution, i.e., an "inside-out" perspective. The sec-
ond "outside-in" perspective is guided by extra-solar clues from planetary systems in
formation, where we seek to know how the earliest evolutionary stages fostered an envi-
ronment where liquid water and organic monomers2 were present and were allowed to
react towards chemical complexity. In a sense this focus is on the initial chemical and
physical conditions associated with young so-called “proto-planets”.
The latter approach is not without caveats. One such caveat is that what we categorize
astronomically does not necessarily represent the physical or chemical conditions on the
surface of forming worlds. Rather, we study the conditions of gas and solid particles that
precede planetary birth. Thus observations of the pre-planetary materials can be com-
pared to the record of materials in our solar system. In this paper, we approach the topic
from both perspectives. First, we summarize the clues from our own history by looking
backwards. Thus we explore this history of life on the Earth and the process of planet
formation by the study of our own system with a basic physical/chemical framework.
Second, we outline the astronomical perspective where we can look forwards by observ-
ing systems in various stages of formation. This discussion is by no means a review of
the field of origins research and the reference list will be vastly incomplete. Rather the
references chosen are intended to be illustrative and to provide a reference trail for a
young researcher.
LOOKING BACKWARDS
History of Our Planet and Life
Atoms and Molecules
Before exploring the history of our planet and clues to the timing of life’s origin, it
is useful to provide context. In Fig. 1 we illustrate the percentage of human body mass
that is comprised of various atoms. Living mass is dominated to the level of 96% by the
most abundant non-inert (i.e. reactive) elements: H, O, C, and N (hereafter CHON). The
dominance of oxygen is due to the fact that we are mostly comprised of water, while
2 Definition: “a molecule of any of a class of compounds, mostly organic, that can react with other
molecules of the same or other compound to form very large molecules, or polymers. The essential feature
of a monomer is polyfunctionality, the capacity to form chemical bonds to at least two other monomer
molecules. Bifunctional monomers can form only linear, chainlike polymers, but monomers of higher
functionality yield cross-linked, network polymeric products.” From Encyclopedia Britannica Online, s.
v. "monomer," accessed July 26, 2013, http://www.britannica.com/EBchecked/topic/389906/monomer.
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FIGURE 1. Percentage of mass of the human body dominated by various atoms. The atoms comprised
in “other” are Phosphorus, Potassium, Sulfur, Sodium, Chlorine, and Magnesium and other trace elements.
carbon, with its potential to share 4 bonds, provides the backbone for the chemistry
of life. One might speculate whether this will always be the case for life, with water
providing the liquid medium and carbon the basis for biochemistry. For example, silicon
has the same number of bonds as carbon. However, C readily bonds with itself, while Si
bonds primarily with oxygen. Thus, in space there is a demonstrated dominance of the
gas and ice chemistry to make carbon-based molecules and water [5]. These species are
labelled as volatiles as they readily evaporate into the gas from the solid state. This is
opposed to refractory components, such as silicon-oxides, that generally exist as solid
minerals. Thus the initial state of the system will not have much free silicon available.
For an interesting discussion in this regard the reader is referred to Benner [6].
Another perspective is that all life on Earth uses water as the liquid medium to fa-
cilitate and participate in biological chemistry. All life also uses deoxyribonucleic acid
(DNA) to store and pass on genetic information. This points towards a single common
origin for life on Earth. Fig. 2 illustrates the structure and composition of the DNA
molecule. Labeled in this figure are the four DNA bases whose pairing store genetic in-
formation (adenine, guanine, cytosine, and thymine) and the phosphate-sugar (deoxyri-
bose) backbone. From an astronomical perspective the complexity of this molecule is
astounding. As we will discuss in the following section, the chemistry that precedes
and is associated with planetary formation readily produces complex molecular species.
However, the most complex molecules involving more than one element detected and
identified in space have only∼ 10−20 atoms, compared to the hundreds in DNA. A host
of amino acids, the pre-cursors to proteins, are found in some meteorites [e.g., 7]. But,
even in that case, for the pre-life materials only monomers are sampled. These monomers
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FIGURE 2. The chemical composition and structure of DNA (Credit: Madeleine Price Ball).
must be concentrated in some fashion and provided a source of chemical/geothermal
energy to form polymers. This would be the initial, and highly uncertain, steps in the di-
rection of self-replicating chemistry. This clearly happened on the planet itself, perhaps
aided or jump started by the supply of pre-existing “pre-biotic” material during birth,
which we address below. For greater discussion see Orgel [8] and the numerous articles
compiled by Deamer and Szostak [9].
Radiometric Dating and the Age of the Earth
One important question regarding life’s origins is timing; how quickly did life origi-
nate in demonstrative ways in the fossil record? Here the term fossil is used loosely, as
the record of ancient life is not comparable, or as easy to isolate, as for vertebrate life-
forms in the post-Cambrian epoch (< 0.58 Billion years - hereafter, Byr). The general
technique is to separate the fossil evidence from absolute dating and instead use radio-
metric dating to determine the age of surrounding rocks. Radiometric dating relies on
the measurable decay of an unstable isotope into stable form over a defined timescale.
The decay rate is well calibrated in the laboratory with measurements of the half-life,
which is the time over which 1/2 of the original parent is transferred into the daughter
product.
One useful method to date ancient materials, which can be used as an example, is the
U-Th-Pb chain, which has three independent parent/daughter products, each with a long
half-life. The usefulness of this is that each of these can be measured independently and,
with agreement, the age has greater reliability. This is only one example and there are
numerous other parent/daughter pairs and combinations. More explicit discussions of
the methodology used in geochemistry can be found in the books by [10] and Allègre
[11]. The U-Th-Pb chains are given below:
1. 238U→206Pb (half-life of 4.4683 Billion years)
2. 235U→207Pb (half-life of 0.70381 Billion years)
3. 232Th→208Pb (half-life of 14.0101 Billion years).
Half-lives for this system taken from Allègre [11]. In a rock the measurement of each of
the isotopes can be used in the following set of equations [10]:
206Pb
204Pb
=
(206Pb
204Pb
)
i
+
238U
204Pb
(eλ1t−1), (1)
207Pb
204Pb
=
(207Pb
204Pb
)
i
+
235U
204Pb
(eλ2t−1), (2)
208Pb
204Pb
=
(208Pb
204Pb
)
i
+
232T h
204Pb
(eλ3t−1). (3)
These equations are normalized to the stable isotope 204Pb, which is not radiogenic.
The subscript i refers to the initial isotopic ratio in the rock when it formed. λ1,2,3
refers to the half-lives given above. If you measure the isotopic compositions of the
rock using techniques such as mass spectrometry [12] and plot (for example)
206Pb
204Pb
against
238U
204Pb then the slope of the line will contain both the half-life and the time of
decay. Thus time can be measured. Key points are as follows. Radioactive dating can
be measured reliably, provided the system is closed throughout its history. That is, there
is no isotopic exchange as a result of, for example, diffusion or metamorphism. The
measured decay time refers to the time since the system closed, i.e. the rock formed.
One key question regards the initial composition which is uncertain. One method to
get around this uncertainty is to use minerals that exclude certain atomic species upon
formation. For example, zircon (ZrSiO4) contains very little Pb at the time of formation.
Thus the daughter product will be unique.
From the perspective of dating ancient materials, an important problem is that the
Earth is geologically active and it can be difficult to always isolate specific minerals
that exclude Pb during formation (again as one example). The first reliable estimate of
the Earth’s age came from Clair Patterson [13] who used meteorites as the proxy. His
measurement determined the age of a sample of meteorites, to be ∼ 4.55 Byr and also
provided primordial isotopic ratios. Assuming that the Earth and meteorites formed from
the same isotopically well mixed material, this then unlocked the capability to explore
the question of the Earth system. Clearly Patterson’s age is a reference point for the age
of the first solids in the solar system, which we now know to very high accuracy, 4564.7
± 0.6 million years ago [14]. The formation of the Earth itself likely occurred slightly
later (∼tens of millions of years) and the reader is referred to the following reference by
Allègre et al. [15].
Early Evidence for Life
In terms of the question of when life began the following references [8, 16, 17, 18,
19, 20, 21] can be used to explore the question more deeply. In this review a few salient
points are summarized. Below we assume that the Earth was born 4.6 Byr ago. For
a framework the geological history of the Earth is divided into four eons: (1) Hadean
- 4.6 to 3.8 Byr: this is the hellish Earth as the young planet was forming, cooling,
and repeatedly bombarded by large and small planetesimals during the time of planet
formation; (2) Archean - 3.8 to 2.5 Byr: the phase of early life, when the first plant
fossils are found and encompasses the stage when life was beginning to take root on the
planet; (3) Proterozoic - 2.5 to 0.57 Byr: stage where life began to dominate our planet,
changing for example the atmospheric composition [22]; (4) Phanerozoic - 0.57 Byr to
present: the stage of visible life.
There are 3 lines of evidence that life arose rather quickly on the surface of our planet
during the Archean eon about 3.5 Byr and perhaps as early as 3.8 Byr. These are briefly
outlined below.
1. 12C and 13C ratios: living tissue metabolizes 12C more easily than 13C. Thus the
chemistry of life leads to an excess of 12C relative to 13C when compared to in-
organic carbon. In some ancient rocks in Greenland (3.8 Byr) there is evidence
for this excess in some carbonaceous inclusions inside phosphate minerals [23]; in
one instance the isotopically light carbon is in small graphitic globules potentially
attributed towards ancient Archean plankton [24]. However, there is some contro-
versy as the rocks towards one site have been claimed to be igneous (melted), which
would not preserve the signature [25, 26]; but see also Grassineau et al. [27].
2. Stromatolites: stromatolites are colonies of layered bacteria that are found today in
Shark Bay, Australia. Sedimentary rocks are common on the Earth and in the fossil
record stromatolites in a sense would be organosedimentary layered structures [28].
The strongest case for ancient stromatolites appears at 3.43 Byr [29, 30, 31] and
3.416 Byr [32]. At these sites multiple types (morphological) of stromatolites are
found [33] in potentially shallow water environment to foster formation [34, 35].
As always there are some uncertainties and there are other ancient sites; summaries
of the state-of-the-art can be found in Tice et al. [36] and Bosak et al. [21].
3. Microfossils: Schopf and Packer [37] and Schopf [38] presented the first evidence
for microscopic filamentary carbonaceous structures detected in 3.5 Byr old rocks,
which are posited as ancient cyanobacteria that formed in shallow water. Over the
past decade this claim has been called into question with the statement that the rocks
are likely samples of a hydrothermal vent system [39]. The microscopic structures
in question were argued to be graphitic artifacts deposited in this environment.
More recently Marshall et al. [40] found that similar structures from the same site
were instead a series of fractures filled with the mineral haematite; carbonaceous
material is found the immediate vicinity. They argue that biology is not ruled
out as the origin of the carbon, but the microscopic structures themselves are
not evidence for biology. Schopf and Kudryavtsev [41] posit a counter-argument
that the original fossils were not examined. However, there remains compelling
microfossil evidence for life in the early Archean (3.2 and 3.4 Byr old rocks). Here
the microscopic structures seen exhibit inner hollow cavities with carbonaceous
(cell?) walls [42, 43]. At the older site, the carbonaceous material is isotopically
light, which links geochemical with the morphological evidence [43].
The Young Earth
In the preceding paragraphs, we summarize the evidence that life existed on Earth
at least ∼3.5 Byr ago and potentially earlier. Furthermore, another important point is
that geochemical evidence from ancient zircon grains suggests that Earth had oceans of
water up to 4.4 Byr ago [44, 45]. Thus it appears that water was on the surface of our
planet during very early stages.
Based on the crater-coated lunar surface, we also know that the early history of the
solar system was a violent time. Since the Earth has an effective cross-section that is 20
times larger than the Moon it was hit 20 times more. In fact, the formation of the Earth
was not a quick process, but over the first few hundred million years we suffered from
constant bombardment from space. Some of these impacts would have been enough to
vaporize any young oceans on the surface, perhaps sterilizing incipient life [17, 46].
Determining the history of these impacts requires high fidelity images of the Moon and
counting the number of craters with different sizes. A portion of the Moon that has a
large number of craters, with impacts piled on impacts, is older than a surface that has
less crater coverage. This provides only relative ages as opposed to absolute values.
Fortunately one of the many benefits of the Apollo missions was a sample of Lunar
rocks from sites with different crater densities. These rocks can be aged via radiometric
techniques.
A sample of these results is given in Fig. 3, where we reproduce the chronology of
impacts in the solar system along with the history of life described earlier. A few things
are notable: in the plot there is a strong decay in lunar impacts with time, 3 orders
of magnitude in crater density by ∼ 3.8 Byr. This means only 5% of the craters are
younger than 3 Byr [47]. There is a leveling off in the plot at a y-axis value of 10−3
(units of craters wider than 1 km per km2) which is not necessarily indicative of a time
of constant crater rate, but rather more of a statement about the stochastic nature of the
process. In this light, the general decrease in time during the Hadean/early-Archean
may not be a smooth decline, but one punctuated by periods of intense impact and
others with much less with an overall decay in time [see discussion in 49]. Based on
Fig. 3, the geological evidence points toward the emergence of life on our planet as the
frequency of energetic impacts decayed. Southam et al. [50] argues that the Earth was
essentially habitable throughout the Hadean, while Sleep [46] makes an argument for
photosynthesis as early as 3.8 Byr. The important point here is not the details, which are
complex, but that simple life did not take billions of years to take root. Life potentially
began even as the Earth was still subject to impact events of significantly higher energy
[49] than the Cretaceous-Tertiary extinction event [51] that led to the extinction of the
dinosaurs.
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FIGURE 3. The underlying plot shows the number of craters greater than 1 km in size per km2 in a
site with a given age noted by the lunar mission and/or crater name. Plot is a recreation of that shown in
Neukum et al. [47] using their Eqn. (5) to delineate the fit to the data of crater densities and radiometric
ages from Stöffler and Ryder [48]. The geological eons are shown on the bottom, along with potential
timing of early cellular life and presence of surface water.
CHON in the Context of Planetary Birth
The formation of the Earth involved the gathering of rocky materials, during a period
of accumulation and accretion. In this context an important question is how did the
Earth receive carbon, oxygen, hydrogen, and nitrogen. We know that the rocks of the
Earth are mostly comprised silicate minerals. In fact, the total amount of carbon in the
Earth’s mantle is∼ 1023 g [52], which is a tiny fraction of the Earth’s mass (∼ 0.002%)3.
Similarly, as a relatively water-rich terrestrial planet, the Earth’s water content by mass
3 We note that significant amounts of carbon could still be present in the Earth’s core [52].
is sparse. Marty [53] estimates that the Earth as a whole contains 7 “oceans” of water
(where ocean is defined here as the surface water), which again is only a small fraction,
0.2% of our planet, by mass. Clearly these materials were provided, but not in bulk form
along with silicates.
To explore this question we must understand the context of planet formation. Silicate
solids are formed in interstellar space with microscopic, average ∼ 0.1µm, sizes [54].
These small dust grains are then delivered to planet-forming disks. These tiny grains,
called dust in astronomy, are the seeds of terrestrial worlds. The details of the various
stages of planet formation can be found in the reviews by Youdin and Kenyon [55]
and Morbidelli et al. [56], along with the book by Armitage [57]. Within a few million
years the tiny grains must coagulate and grow in the disk into planetesimals (∼1 km),
until gravity can take over. This is not a simple growth process and there are a number
of uncertain steps along the way. During the next stage these the planetesimals grow
to planetary embryos (Lunar to Mars sized) under mutual gravitational interactions
where the larger bodies grow disproportionately. The next stage involves these embryos
traversing a sea of planetesimals. This is the phase of truly giant impacts (formation of
the Moon [58]) and gradual accumulation to Earth/Venus sizes.
One school of thought, from the cosmochemical/meteoritic community, posits that the
solar system at the earliest stages was very hot (> 1400 K) such that all atoms are in the
gas [e.g. 61, 62, 63]. As the nebula cooled, solids formed a sequence of condensation.
The formation of planets then proceeds through the stages outlined above. As we will
discuss below this is not the entire picture, but it nicely provides an illustrative example
of the chemical physics that is involved in incorporating CHON into terrestrial worlds.
Fig. 4 provides a graphical illustration of how this proceeds loosely based on the book by
Lewis [59]. As the gas cools in thermodynamic equilibrium the most refractory materials
with the highest condensation temperature4 forms the first minerals (#1). In this case
Ca and Al materials would be the first solids, a fact that is consistent with Calcium
Aluminum-rich inclusions being the oldest material found in the solar system [14]. At
lower temperatures (∼ 800− 1200 K) magnesium/iron-rich silicates would form what
are essentially the solar system rocks (#2-4). Lower temperatures (< 150–200 K) are
required for water ice to condense (#5), and even lower temperatures (∼20 K; #6) for
molecular nitrogen and carbon monoxide (two key carriers of C and N). These elements
are also incorporated into organics which condense at higher temperatures, comparable
to water. Finally we have the materials that always remain in the gas: noble gases,
molecular hydrogen, and helium.
The process of evaporation (loss of material as opposed to formation) would work in
reverse, thus this is not necessarily a temporal sequence [64]. Moreover the isolation of
grains in meteorites whose origin precedes the solar system [65] requires the presence of
unaltered or unevaporated material. Some molecular signatures (deuterium enrichments
in water ice and organics) also record evidence of chemical processes not in thermody-
namic equilbrium [66, 67]. Regardless Fig. 4 is useful in terms of outlining that different
4 We note that the pressure in a young disk is too low for the liquid phase to exist. Thus the phase transition
is between the vapor and solid states. However, liquid water was most certainly present inside the largest
planetesimals.
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solids condense from the gas to the solid at different temperatures. CHON molecules that
are important to life are among the most “volatile” and require temperatures ∼100 K or
lower for incorporation.
Let’s now examine what happens from the other perspective where grains are formed
in the interstellar medium and supplied to the disk via collapse along with volatiles
perhaps in the gas or even as ice coatings on the dust. Going back to our physical
understanding of planet formation, it is during the early phases when the grains are
microscopic, they have the largest surface area and thus greater exposure to collisions
with a CHON molecule dominated gas. Moreover we need temperatures below 100 K.
Based on our understanding, to be discussed later, this can occur prior to stellar birth
or in the outermost reaches of the planet-forming disk. In these phases CHON atoms
coat the silicate solids as molecular ices (e.g. pre-cometary ices). This includes both
water and organics that are readily detected as gases in cometary coma [68]. The comet
forming zone resides somewhere near the location of the giant planets at >5–10 AU
from a star like the Sun.
To investigate what happens at 1 AU, if we take a bare 0.1 µm dust grain we can can
balance the energy absorbed with the energy emitted to determine expected temperature.
The energy absorbed (Eabs) and emitted (Eem) are:
Eabs = F(1 AU)Qabspia2gr, (4)
Eem = Qem4pia2grσT
4
gr. (5)
Here F is the solar flux at 1 AU, agr is the grain radius, Tgr the grain temperature, and
σ is the Stefan-Boltzamann constant. Qabs and Qem are factors that describe the physics
of the interaction of the small particles with radiation, with the absorption occurring
where most of the solar energy is emitted (visible light) and emission at longer infrared
wavelengths (heat). It turns out that 0.1 µm astrophysical solids are good absorbers of
visible light, but inefficient emitters; typical numbers that can be assumed are Qabs = 1
while Qem ∼ 2× 10−3(agr/1 µm)Tgr [69]. Putting in these parameters we see that the
typical grain temperature at 1 AU will be hundreds of K.
Thus the initial rocks out which the Earth was made would not have water ice. This
result is simplistic as it assumes a bare grain sitting alone at 1 AU with approximate grain
properties. However, more detailed radiation transfer calculations confirm the general
picture [70, 71, 72, 73]. This well known result suggests that the solar nebular disk, and
extra-solar protoplanetary disks, should have what is called a “snow-line”. Inside this
line water (and most organics) exist as gaseous vapor and as ices further from the star.
The composition of bodies in the solar system clearly reflects this. There is an inferred
gradient of water content in the asteroid belt from meteoritic samples [56] and comets,
the most ice-rich bodies by mass, formed far from the Sun.
CHON in Meteorites and Comets
Asteroids and comets represent remnant, perhaps primordial, material left over from
the birth of our solar system. As such they offer the greatest opportunity to explore the
chemical/physical state of our solar system at birth. This record has been lost on our
geologically active planet.
Asteroids are sampled most directly by the study of meteorites. There are a number of
meteoritic classes, based, in part, on whether the material is undifferentiated (and there-
fore more primitive), or differentiated (i.e. processed) [74]. Unequilibrated meteorites
thus provide the clearest record of the starting materials and are composed of (1) chon-
drules, small (∼mm-sized) spherical igneous silicate particles that are believed to have
been transiently heated; (2) CAI’s, non-igneous calcium aluminum rich inclusions, the
oldest minerals in the solar system, (3) a matrix of fine grain, micron-sized, particulate
matter that exists as the glue between these components. The matrix is comprised mostly
of silicates, but often contains hydrated silicates and carbon. Thus many planetesimals
contained water and have evidence of aqueous alteration.
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FIGURE 5. Figure showing the D/H ratios measured for a variety of solar system and interstellar
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The most primitive meteorites are the CI chondrites, which have the lowest amount
of chondrules, comprised mostly of matrix [75]. The bulk abundance of CI chondrites
mirrors that of the Sun for all but the most volatile species [76]. Organics are found
in both insoluble form (insoluble organic matter) and water-soluble (soluble organic
matter). In one CI meteorite alone (Murchison) over 70% of the carbon is found in the
insoluble portion in macromolecular form (∼ 100 carbon atoms plus H, O, N). In the
soluble portion ∼ 30% of the carbon is in over 1000 molecular species including 100
amino acids (terrestrial proteins are made of only 20 amino acids) [77, 78]. Furthermore,
nucleobases are also detected in several different samples [79, 80]. The amount of
soluble and insoluble organics ranges within and between meteorite classes [77].
Comets are comprised of both ices and solids and the composition of cometary ices
contains some of the most volatile molecular material (e.g. CO2, CO) available in the
solar system. Thus comets also represent potentially pristine remnants of solar system
formation. Long period comets, with periods > 200 yrs, originate in the Oort cloud,
while short period comets (< 200 yrs) formed in the Kuiper belt [97]. Oort cloud comets
are argued to originate in proximity to gas/ice giant planets and scattered to distant orbits
via planet-comet interactions [98, 99]. Water is the most abundant cometary volatile
with trace amounts of CO2, CO, and other species. When looking broadly at both
abundant and trace compounds there is a gross similarity of the volatiles seen in the
evaporated cometary coma and that of interstellar ices [e.g. 100, 101]. However, CAI’s
and crystalline silicates [102] have been detected in the sample return of the Stardust
mission. These both require very high temperatures > 1000 K to be mixed with ices that
condense near 20 K. The presence of essentially asteroidal material in comets is strong
evidence for large-scale radial mixing in the solar nebula disk [103]. Moreover, there are
differences in the relative molecular compositions as some comets that originate from
the Oort cloud and Kuiper Belt are depleted in organics, hinting at gradients or mixing
into and within the comet forming zones [68].
Both the soluble and insoluble portion of the meteoritic matrix exhibit enrichments in
the heavier stable isotopes of C, H, and N [77]. Comets also contain isotopic enhance-
ments in H and N [68]. In this review we focus on deuterium, solely as an example, but
the isotopic enrichments seen in C and N provide useful constraints as well. Deuterium
was created in the big-bang and the D/H of hydrogen is measured to be 1.5±0.1×10−5
in the local solar neighborhood [104]. The process of isotopic fractionation comes about
because of the difference in the zero point energy among hydride isotopes is quite small
(∼ 200−500 K), but nonzero. At low temperatures (< 100 K) non-equilibrium gas phase
reactions involving, for example HD, leads to a preferential transfer of the D as opposed
to the H; leading to (D/H)X > (D/H)H2 . In Fig. 5 we show the D/H ratios measured in
hydrogen, water, and organics in a variety of objects in the solar system and interstel-
lar medium. We will discuss the full import of this plot when we discuss the chemistry
of the interstellar medium; however, one key statement is that Earth’s ocean water has
about an order of magnitude enrichment relative to the main reservoir of deuterium, hy-
drogen in the Sun (i.e. proto-Sun in Fig. 5). Comets are well known to have deuterium
enrichments in both water and, in one measurement, HCN. Organics and water in me-
teorites also have enrichments in both the soluble and insoluble organic molecules. In
some instances, the D/H ratio of water in solar system bodies is similar to that measured
in Earth’s oceans. Thus the D/H ratio might be a fingerprint tracing the origin of water on
our planet. This is for some meteoritic classes [86] and perhaps Jupiter family comets,
although the sample is very small [87]. At face value this might hint that sources for
Earth’s water are found beyond our orbit in the solar system.
The Delivery CHON to the Earth
The current consensus is the that pre-Earth materials at 1 AU would not have water
or organics present, but see [105, 106] for an alternate view. Thus either the Earth (1)
obtained key volatiles from the gas or (2) received some supply from beyond the so-
called snow-line as part of its formation.
1. It is a general consensus that the Earth has had two atmospheres. During the first
∼few Myr of evolution as the Earth formed it was surrounded by H2-rich nebula
gas. As the proto-Earth grew in size it could gravitationally capture gas from the
nebula [107], producing the first - H2 rich - atmosphere. Nebular gas capture is a
strong candidate for how the Earth obtained its inventory of the most volatile gases,
He and Ne [e.g. 108, 109, along with any addition from the solar wind]. The young
Earth would have been continually bombarded by impacts during this time frame
and these impacts would have lead much or part of the surface to be covered by
a silicate magma ocean [110]. Reactions between this molten rock and the H2 gas
could produce water vapor [111]. Thus in this theory the Earth would have gained
its water from solar nebular disk H2 dominated gas.
However there are some issues with respect to the timescales involved in terres-
trial planet formation and the lifetime of the gas-rich nebula. Based on Hf-W
chronometry it is estimated that the Earth’s core formed on timescale of ∼ 30 Myr
[112, 113, 114, 115], while current estimates of the half-life of gaseous disks is
∼ 2 Myr [116]. Thus the gas content of the Solar nebular disk at the time Earth
reached its largest gravitational potential is uncertain. Stronger evidence comes
from the isotopic ratios of noble gases, which suggest that the primordial or first at-
mosphere was lost via hydrodynamic escape [109, 117, 118]. Thus, it is thought that
the Earth lost much of the initial atmosphere and generated its second atmosphere
by outgassing, which then reflects a composition resulting from impact delivery
along with any atmospheric loss [56, 119].
2. Numerous models of terrestrial planet formation suggest that during the early stages
the material accreted in terrestrial planets originates in relative close proximity.
However, the loss of nebular gas during the stage where embryos and planetesimals
undergo mutual interactions leads to strong perturbations and collisional growth
from material over a larger range of distances [56]. In this case the delivery of
water and volatiles can readily occur via the transport of planetesimals that formed
beyond the snow-line to the young proto-Earth [120, 121]. Key facets of these
models are the timing of the formation of giant planets, their orbital eccentricities,
orbital migration, and the overall evolving planetary system architecture. At present
models suggest that the most likely source for planetesimal delivery are radii that
correspond to today’s asteroid belt [120, 121], i.e. water-laden rocks as opposed to
comets. One intriguing area of new research is the possible detection of comets
in the outer parts of the main asteroid belt [122], which represent a yet to be
characterized potential source term.
An “Astro” in Astrobiology
In the previous section we have explored the question of life’s origin in a broad sense.
We have outlined the various lines of evidence that life started rather quickly on the
planet’s surface, perhaps while the Earth was still undergoing bombardment. These
impacts appear to be crucial in terms of the delivery of CHON volatile material to
our young world. Of course this assumes that this volatile content is provided to the
Earth and not destroyed [123, 124]. Thus one part of the “astro-” in astrobiology is the
question of how these volatiles came to be implanted in the planetesimal impactors in
the first place. We are in a sense thus divorcing ourselves from a question of specificity
in terms of the mechanisms by which key prebiotic organics produced life, which is
rightly a question for biochemists and chemists [e.g. 125, 126]. As we will outline below,
there is a wide variety of crossover between species detected in meteorites, comets and
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FIGURE 6. Schematic of the various phases of star and disk formation, and their estimated time-scales.
interstellar space. Indeed, some of these molecules of interstellar origin might have been
useful in jump starting the chemistry of life. Therefore we now address the more general
question of how to create the molecules that we measure in comets and asteroids, the
final samples of the primordial solar system.
LOOKING FORWARDS IN TIME: THE BIRTH OF SOLAR
SYSTEMS
The Interstellar Medium and Stages of Star Formation
In our solar system, and in particular on the Earth, we can use a variety of techniques
to look backwards in time and, where possible, sketch a chronological sequence. As-
tronomically, we can observe a large sample and measure the frequency of young stars
and protoplanetary systems to construct an evolutionary sequence - in a way, looking
forwards from beginning to end.
The interstellar medium, the material that exists between stars, is composed of mostly
hydrogen gas, along with trace elements with an abundance commonly set by our
understanding of the solar composition [127]. In the average galactic medium with a
particle density of 1 cm−3 the gas is traced in atomic form via the 21 cm spin flip
transition of H I and also by detection of heavy atoms via absorption lines in the
ultraviolet [128]. There is also abundant evidence of the presence of solid particulate
matter with an average size of ∼ 0.1µm called dust grains. Dust in the interstellar
medium is readily detected via absorption of ultraviolet and visible starlight. This energy
is then re-radiated at far-infrared and submillimeter wavelengths. For a summary of these
issues see Draine [54].
In Fig. 6 we provide a schematic of the various phases and timescales in star and
planet formation which are briefly described below. A generalized visualization of the
physical properties of each of these phases is given in Fig. 7a. Stars are born when
portions of the very low density (〈n〉 ∼ 1 cm−3) warm (T ∼ 1000 K) interstellar gas
collapse or are gathered by some dynamical event that allows gravity to take hold
[e.g. 129, 130, 131]. As part of this transition the gas becomes denser and shielded
from the molecule-destroying interstellar radiation field, leading to molecular formation
[132, 133]. We thus observe stars being born in what are called giant molecular clouds.
These complexes are vast covering many parsecs (1 pc = 3 ×1018 cm) with higher
average densities (< n >∼ 500−3000 cm−3) and lower temperatures (T ∼ 10−30 K),
due to the decreased penetration of starlight and the added cooling power of molecular
radiation. Lifetimes of giant molecular clouds are very much in debate with estimates
ranging from a few to 20 Myr [see 131]. These clouds fragment and condense into
successively small units with stars born in “pre-stellar” cores with characteristic sizes
of ∼ 0.1−0.2 pc. These regions have higher central densities, n > few ×104 cm−3, but
remain cold due to the lack of energy input into the center where the intensity of star
light can be reduced by as much as 9 orders of magnitude. Eventually gravity wins over
support from thermal pressure, or the support from the magnetic field diffuses away, and
the core subsequently collapse under the weight of their own gravity [134, 135]. The
evolutionary timescale estimated for this phase is ∼ 0.5Myr [136].
Clouds are observed to be rotating from the large to small scale [137, 138, 139] and
collapse leads to the formation of a star and disk system [140] that is embedded inside its
natal envelope. This phase is characterized by substantial thermal and density gradients
with high values close to the young accreting protostar, decreasing with distance into
the surrounding envelope. The envelope is gradually dispersed over ∼ 0.5 Myr [141]
leaving the star surrounded by an exposed volatile gas-rich protoplanetary disk. The
physical perspective for the disk phase is one with large variation in physical properties
both radially (from the star and outward) and vertically (from the disk midplane and
upward). One key point is that the lifetime of the gas- or volatile-rich phase has some
uncertainty, but current estimates appears to be only a few Myr [116].5
Molecules are present during each phase described in Fig. 6 and their emission
can be used to probe the physics and chemistry throughout each stage of star and
planetary birth. The molecule interacts with the radiation and emits only if it has a
permanent dipole moment which acts as a small antenna for radiating or receiving
5 The birth environment of the Sun is sometimes called the Solar Nebula, which refers the the disk out
of which planets are born. We will refer to this phase as the solar nebular disk when talking specifically
about the solar system and as the protoplanetary disk when discussing astronomical objects.
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FIGURE 7. Plot illustrating the use of molecular transitions as probes of star and planet formation. (a)
Rough outline of the physical conditions encompassed by the various phases in Fig.6. (b) Generalized
physical regimes that can be probed by different types of molecular transitions when in emission.
electromagnetic waves that correspond to its frequency of radiation. The methodology
for using molecular emission to trace the density, temperature, and velocity field of H2,
the dominant constituent is outlined in Evans [142]. Irvine et al. [143] and Herbst and
van Dishoeck [144] outline how to determine the chemical composition of molecular
gas.
The Physics of Molecular Spectral Lines
Molecular spectra are significantly more complex when compared to atoms. The
Schrödinger equation is therefore also complex involving the positions and moments
of all nuclei and electrons. Thus molecules have rotational and vibrational motions
along with electronic states that are a focus for atomic spectra. Fig. 7b graphically
illustrates the regimes where various molecular transitions can be used to probe star
formation. Electronic transitions (∆E ∼ 1 eV) are observed in the ultraviolet generally
in absorption in diffuse low density molecular gas, but also in emission in disk systems.
Vibrational modes have energies typically of order∼ 0.01−0.1 eV and can be observed
in warm dense regions. A vibrating molecule is also rotating and the emission occurs
via a vibration-rotation cascade. Low energy rotational modes of simple molecules
are confined to the millimeter and submillimeter wavelengths, while higher energy
rotational states trace higher temperatures/densities at shorter wavelengths. One facet
in this discussion is the rotational spacings, from low to high energy, are inversely
dependent on the mass of the nucleus. Thus lighter molecules such as H2 or H2O can
have wide energy spacings between their transitions (i.e. larger frequency) while heavier
molecules, HCN or CO, have closer energy differences between states. One caveat is
that Fig. 7b refers to regimes probed by transition of gas phase molecules. Molecules
are also observed in the solid state, i.e., as ices, by the same vibrational modes either in
absorption using a star or cloud as a background candle [145, 146] and in a few instances
in emission [147, 148].
Molecules with a degree of symmetry have simpler spectra. Rotation can be described
as motions about 3 principle axes, with 3 moments of inertia. For many simple diatomic
molecules, and linear polyatomic molecules, the principle moment of inertia about the
molecular bond axis is zero, and the moments of inertia about axes orthogonal to the
bond are equivalent [149]. In this case the rotational spectrum can be characterized by
rotational motions having spacings proportional to ∆E = 2BhJ, where B is the rotational
constant that is inversely proportional to the moment of inertia (B = 57.635 GHz for
CO). J is the quantum number of the angular momentum that represents the upper state
in this equation. In contrast, NH3 has two moments of inertia that are equal, and is
called a symmetric top characterized by two quantum numbers for a given energy state
[150]. Water is an asymmetric top; none of its principle moments of inertia are zero
and no two are equal. For asymmetric tops, the rotational states are characterized by
three quantum numbers, and the resulting spectra can be very complex. Large organic
molecules (by interstellar standards!) - such as CH3OH - have torsional motions where,
for example, the OH undergoes an internal rotation relative to the CH3 along with lower
energy vibrational modes [151].
Molecular Astrophysics
The observation of molecular emission bears information on the density, temperature,
and dynamics of the emitting gas. In certain cases there is also information on the total
number of molecules that are emitting per cm2, this is called the column density (denoted
as N). To interpret the measurement of the emission line strength of a given molecule,
we must employ our knowledge of the molecular physics of the transition between two
energy states.
For a given transition between two energy states, we can define an excitation temper-
ature, Tex according to the Boltzmann equation:
nu
nl
=
gu
gl
e−hνul/kTex . (6)
Where nu and nl is the number density of molecules that exist in the upper and lower
states between a transition with frequency νul; gu and gl are the statistical weights.
If the gas is in local thermodynamic equilibrium (LTE) then Tex = Tk (the gas kinetic
temperature). The intensity of radiation (erg s−1 cm−2 sr−1 Hz−1) can be expressed by
the common formalism for an isothermal medium (see nice discussion in Kwok [152]):
Iν = Ibge−τν +Sν(1− e−τν ) (7)
Sν is the source function which in this case is a blackbody, Bν(Tex). For long wavelength
molecular emission (cm and mm-wave) the Rayleigh-Jeans approximation (hν  kT )
can be used, In addition, it is common to measure on and off (background - bg) positions,
taking a difference defining the on source position by a measured brightness temperature,
TB = λ 2Sν /2k:
TB−Tbg = (Tex−Tbg)[1− e−τν ]. (8)
If the emission is optically thick then the measured TB = Tex. In LTE this is equal to
the kinetic temperature. We note that the Rayleigh-Jeans approximation does not always
apply and the more explicit Planck function should be used for greater reliability. Lets
now explore the limit of low optical depth in the case where Tex Tbg [e.g., 153],
∆Iν = TB = Bν(Tex)τν =
hν
4pi
NuAulφν , (9)
where φν is the line profile function. Integrating over the line we find,∫
TBdν =
hν
4pi
NuAul. (10)
Emission is generally measured in velocity units instead of frequency, thus,∫
TBdv =
hc3
8pikν3
NuAul. (11)
In summary, we have a relation between the upper state column density, Nu and the
measured quantity from the telescope which depends only on parameters set by the
molecular physics: the spontaneous emission coefficient, Aul and the frequency, νul . To
convert this to the total molecular column, Ntot , we must correct for the fact that there is
a distribution of molecules that exist in various rotational (vibrational, ...) states and we
have generally measured only one, or a small fraction. For this we can use an expression
that relates the fractional population, fu = Nu/Ntot , to the total distribution:
fu = gu
e−Eu/kT
Q(T )
. (12)
The partition function,
Q(T ) =∑
i
gie−Ei/kT , (13)
is summed over all i energy states. For simple and complex molecules and in LTE there
exist approximations in the high-temperature limit for the partition function [154, 155],
or more explicit calculations are available in the catalogs by Pickett et al. [156] and, by
Müller et al. [157].
Determining Molecular Abundances
One of the interesting facets of molecular studies is that the primary constituent of
molecular clouds, H2, does not emit at the cold temperatures of the gas (∼ 10 K). This
is because lowest rotational transitions has an energy spacing of ∼ 500 K leading to
negligible population in its first excited state and undetectable levels of emission. The
emission intensity is also reduced because H2 has no permanent dipole, emitting instead
via weaker electric quadrupole transitions. Thus trace constituents are used as probes of
the mass, density, temperature, and dynamics of the molecular hydrogen gas.
Given the central role of gravity in star formation, a key quantity in astronomy is the
overall mass. Furthermore in an astrobiological or astrochemical context we would like
to trace the chemical abundance of a specific molecular species relative to the main gas
constituent, H2. Thus we need to have methods to approximate the amount of H2 that is
present. A variety of techniques are used including using the emission and absorption of
dust particles, to be discussed below. Here we discuss another common method, the use
of another widely abundant gas phase molecule, such as CO, as a tracer of H2.
To estimate molecular abundances the column density of molecular hydrogen needs
to be estimated. One method has been to calibrate the abundance of optically thin
isotopologues of carbon monoxide6 to that of dust which has a separate calibration to
H. In this fashion the abundance of C18O is estimated to be ∼ 1.7× 10−7 relative to
H2 [158]. Assuming an isotopic ratio of 500 the 12CO abundance is ∼ 10−4, which
is measured along numerous lines of sight [159]. Thus with observations of optically
thin CO isotopologue emission and any molecular species, we can obtain abundance
estimates: NX/NH2 . More sophisticated techniques are now being adopted (see Bergin
and Tafalla [160]) but this offers an outline of the methodology.
The derivation of mass then only requires maps to be made of a probe that has an
abundance calibrated to H2. Thus for example maps of 13CO emission provide the
distribution of Nu(x,y). Using 12CO emission to estimate temperature, LTE, and a CO
abundance, this can be converted to NH2(x,y). The mass is then M = µ∑
x,y
NH2(x,y)pir
2,
where r is the radius of the antenna beam corrected for the source distance, and µ is the
correction for He and trace elements to the mass.
Properties of Interstellar Dust
Interstellar dust grains become incorporated into terrestrial planets, but also play a
major role throughout star formation by mitigating the effects of energetic starlight and
providing a surface to facilitate catalytic chemical reactions. The emission of dust is also
a powerful supplemental method to trace evolution and structure in star/planet formation.
Dust grains also lock up key portions of the interstellar carbon and oxygen budget into
refractory molecules. For background we provide a brief discussion of the mitigation of
starlight by dust grains along with the overall budget that is used to provide context for
our discussion of the creation of molecular species in space.
Dust absorption of starlight is treated in terms of magnitudes of extinction, labelled as
Aλ in units of magnitudes. We define magnitudes such that a difference of 5 mag between
two objects corresponds to a a factor of 100 in the ratio of the fluxes. Thus an extinction
of 1 mag corresponds to a flux decrease of (100)1/5 ∼ 2.512. If we take a cloud exposed
to the interstellar radiation field [161, 162] characterized by an intensity, Iν ,0, in units of
6 The emission of 12CO is typically optically thick.
ergs s−1 cm−2 Å−1 sr−1. As light propagates into a molecular cloud it is attenuated by
dust absorption, Iν = Iν ,0exp(−τλ ). The opacity, τλ , is given by τλ = NdustQλσ . Here
σ is the geometrical cross-section of a single grain, Qλ is the extinction efficiency, and
Ndust is total dust column along the line of sight. Now lets put Aλ in terms of optical
depth:
Aλ = −2.5log(Iν/Iν ,0) (14)
= 2.5log(e)τλ (15)
= 1.086NdustQλσ (16)
= 1.086
ndust
n
NQλσ . (17)
In this equation ndust is the space density of dust grains, n the space density of the gas,
and N is the total gas column density. We can also convert Ndust to N via a dust-to-gas
mass ratio, ξ . This is estimated to be ∼ 1% in the ISM [163] (and can vary inside a
protoplanetary disk) [164].
ρdust
ρgas
= ξ =
ndmgr
nµmH
, (18)
nd
n
=
3
4pi
ξµmH
ρgra3gr
. (19)
Rearranging Eqn.17 and taking typical values where QV ∼ 1 and a grain size of 0.1 µm,
and ρgr = 2 g cm−3 then,
AV = 1.086
3
4
ξµmH
ρgragr
NQV ∼
(
ξ
0.01
)(
QV
1
)
10−21N. (20)
Thus 1 mag of extinction at visible wavelengths is provided by a total gas column density
of 1021 cm−2. This is consistent with observations of dust extinction and hydrogen
absorption [165]. Dust absorption is wavelength dependent. In Eqn. 17 this is codified
in the wavelength dependent extinction efficiency. Extinction of starlight is greater at
shorter wavelengths (compared to visible) and reduced at longer wavelengths. The above
relations are also simplified as the grains are inferred to exist with a distribution of
sizes following a power-law of dn(a)/da∝ a−3.5, with a as the grain radius [166]. Thus
detailed models of the composition and size distribution of grains are used [167]. At
sub-millimeter wavelengths the dust emission is optically thin and can be used to probe
the gas density structure and total mass, assuming a gas-to-dust mass ratio [e.g. 160].
The composition of interstellar dust grains is estimated via observations of low ex-
tinction interstellar gas clouds that are seen in absorption via various atomic transitions
towards background stars. Since H I and H2 can be observed directly in this gas via elec-
tronic absorption lines the abundance of a given element can be estimated and compared
to our standard, the abundance of elements in the Sun [127]. These observations have
shown that abundances of refractory materials (Mg, Si, Fe) are severely depleted from
the gas, and presumably reside in dust grains [168]. These depletions also correlate with
the condensation temperature of the given element, which is similar to that found from
analysis of the composition of meteoritic rocks [169, 76, 170]. More volatile material
exhibits less gas phase depletion, but a large portion of O and C are locked in refractory
materials: O in the form of silicates and C either in amorphous carbon or polycyclic
aromatic hydrocarbons [54]. The abundance of carbon, oxygen, and nitrogen measured
in the Sun is, respectively, 245, 537, and 72 parts per million (ppm, i.e. relative to 106 H
atoms) [171]. Whittet [172] estimates that ∼ 170 ppm of the carbon and ∼ 140 ppm of
the oxygen is locked up in these refractory carbonaceous and silicate materials (respec-
tively). N and H remain in the gas.
The Interstellar March Towards Complexity
Below we will explore each of the phases of star formation into the protoplanetary
disk phase discussing the overall understanding and disposition of the key molecules
that probe the CHON pools.
Molecular Cloud
The distribution of mass and the overall reservoir available for stellar birth in the giant
molecular cloud is traced primarily by the emission of carbon monoxide. In our galaxy
one generally obtains emission maps of 12CO and its isotopologue 13CO. The emission
of carbon monoxide is optically thick, tracing temperature instead of gas mass7. Based
on this we find that molecular clouds are massive, containing 104 - 105 M, enough
mass to form clusters of stars [174, 175]. There exists clear hierarchical structure with
the densest portions occupying less volume then lower density material.
Infrared studies of young embedded stars provide the direct association of the densest
portions of this molecular material with stellar birth [177]. Fig. 8 shows one wide field
survey of the Orion molecular cloud. This striking image illustrates the complexity
of structures in star formation as the red material in this image is the dust heated by
starlight. The central region is dominated by the Orion nebula where thousands of stars
formed in the last million years. Towards the north we observe dark lanes superposed
on the background emission from dust. This is the region where stars are being born
(see bright sources in the inset to the top right). If we observed this region in molecular
emission it would shine brightly, e.g. Fig. 9. Such an environment provides important
context for the formation of our own solar system, as it is thought that the Sun was
originally a member of a massive stellar cluster [178].
In this phase nearly all volatile molecules not locked into the refractory component are
found in the gas. Gaseous molecules form in the general low density (n ∼ 1000−3000
cm−3) cloud material via two mechanisms. In the case of H2 a search for viable gas phase
7 On very large scales when observations are not resolved, capturing all gas motions, 12CO emission can
trace the mass though the linewidth and surface area (see the nice discussion by Draine [162]). This has
been widely used to trace the star-forming gas mass in other galaxies [173].
FIGURE 8. Spitzer’s infrared view of the sword in Orion: the Orion Nebula. In the image the red wispy
material is the dust grains heated by starlight – illustrating the complex structures in star-forming regions.
Dark lanes superposed on this emission represent the dense regions of the Orion Molecular Cloud where
stars are currently being born (protostars). Image credit: NASA/JPL-Caltech/T. Megeath (Univ. of Toledo)
but see also Megeath et al. [176].
pathways finds no mechanism capable of creating H2 from two H atoms in a requisite
time frame. Thus H2 is believed to form through catalytic reactions on the surfaces of
the cold (T ∼ 10− 20 K) dust grains [179]. The viability of this mechanism has been
confirmed by laboratory experiments [180]. For many other simple molecular species,
the main formation pathways are thought to occur via two body ion-neutral reactions
in the gas phase [181]. These reactions are fast and interstellar cosmic rays provide a
source of ionization. Reaction networks based on these theories have been constructed
and follow the transfer of, for example, C+ into C and then CO via series of reactions
[e.g. 182].
A key facet in the question of molecular formation is the destruction process. In re-
gions exposed to the interstellar ultraviolet radiation field the process of photodisso-
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FIGURE 9. A deep optical image of the dark globule Barnard 68 (top left; Alves et al. [187]) along with
contour maps of integrated intensity from molecular emission lines of N2H+, C18O [188], and 850µm dust
continuum emission [189]. The angular resolution of the molecular data is ∼ 25′′ and the dust emission is
14.5′′. Figure first published in Bergin and Tafalla [160] and we reproduce that caption here.
ciation dominates and for the most part atoms and ions exist. For a given species its
ionization state will depend on whether its ionization potential is above or below the
Lyman limit (13.6 eV). Here the main differences are whether a molecule is dissociated
by a line process or by a continuum of photons [183]. In the former case, with sufficient
column molecular lines can become optically thick. Thus molecules closer to the surface
can shield molecules deeper in the cloud from the effects of destructive radiation. The
most abundant gaseous molecules, H2 and CO, are both dissociated though lines and ex-
ist in regions where the dust optical depth to UV photons is low [184, 185]. Molecules
dissociated via a continuum process (e.g. H2O, NH3, organics) require the shielding by
dust grains (Eqn. 20). Deep inside clouds the optical depth due to dust grains is large
(AV > 3), and the effects of external radiation are negligible; in this case molecules are
typically destroyed via reactions with He+ [186].
Pre-stellar Core
These dense molecule-dominated condensations that have clear evidence for a high
degree of central concentration in the gas and dust density. Fig. 9 shows a template
object for this class: Barnard 68. In the optical image (top left) we observe that the
core is optically thick as the rich field of background stars cannot be observed towards
the center where AV > 10 mag [187]. The dust grains that absorb starlight conserve
energy and thus warm up, remitting this emission in the far-infrared/submillimeter. The
top right panel shows the submillimeter continuum image of the reprocessed starlight.
As noted above both the emission and absorption trace the total dust column and thus
N (assuming a dust-to-gas mass ratio). Since the emission is centrally concentrated the
column density, and hence volume density, is also higher towards the center. Estimates
suggest volume density increases of nearly two-three orders of magnitude from edge
to center [190, 160]. Studies of the dust temperature (by fitting a black body) and gas
temperature (molecular lines) demonstrate that these objects are very cold with gas and
dust temperatures in their centers of ∼ 10 K [191, 192, 193].
An example of the changing chemistry of these objects is shown in the bottom two
panels. The emission distribution of C18O has a minimum towards the core center, while
N2H+ (a molecular ion that is a chemical daughter product of N2) traces the core center
more directly, albeit with structure. These changing distributions are the result of the
interaction of gas-phase molecules with cold dust grains. In particular the timescale for a
molecule to freeze out onto the surfaces of cold dust grains becomes significantly shorter
than the cloud lifetime. For an interstellar grain size distribution [166], ndσ ' 2×10−21n
cm−1 [see discussion in 194]. Assuming this surface area per H, the freeze-out timescale,
τ f o, is:
τ f o = 5×103yrs
(
105cm−3
n
)(
20K
T
) 1
2 √
A (21)
where A is the molecule mass in atomic mass units. Thus in the center of pre-stellar
cores there is a 2-3 order of magnitude decrease in the freeze-out timescale. The hole
in the C18O distribution is essentially due to CO beginning to preferentially freeze-out
onto dust grains in the denser central regions of the core [188]. This hints at a key part
of the chemistry of this phase: formation of ice coated grain mantles, as the evidence
shown above is now known to be widespread [195, 160]. Water, CO, and CO2 ices are
also detected in absorption towards bright background sources and may begin to form in
the cloud itself [196, 197]. Water ice is the dominant molecule in the ice mantle, similar
to that seen for cometary ices. Water vapor is now known to be a minor constituent of the
gas in pre-stellar cores [198]. Based on these observations and models, it is during this
phase when water is made that becomes seeded to the disk as ice upon collapse. Some
ices, such as water, form via a complex set of reactions on grain surfaces, while others
such as CO form in the gas and then freeze onto grain surfaces [199, 200]. However,
once on the grain CO can also participate in surface chemistry ultimately leading to
methanol and other organics [144, 201].
At the cold, ∼ 10 K, gas temperatures present in the core ion molecule reactions
lead to high levels of deuterium enrichments. Deuterium fractionation is driven by the
following reaction:
H+3 +HD↔ H2D++H2+230K. (22)
The forward reaction is slightly exothermic favoring the production of H2D+ at 10 K,
enriching the [D]/[H] ratio in the species that lie at the heart of ion-molecule chemistry
[202]. CO rapidly destroys H+3 , inhibiting the formation of H2D
+. Hence, formation of
CO ice has been found to be important in increasing the rate of the sequence of gas-phase
fractionation reactions [203]. Thus high level of enrichments in a variety of species are
found in this phase [94]. As one example, DCN/HCN ∼ 0.01 in several cold cores, an
enrichment of 3 orders of magnitude. In addition, a by-product of the gas phase process,
is an enhancement of D atoms relative to H atoms that are then placed into ices as they
form on the cold grains via catalytic reactions. Thus any ices forming via grain surface
chemistry will have high D/H ratios [204].
In conclusion, the beginnings of chemical complexity potentially required for astro-
biology are linked to the earliest phases: the formation of water and initial organics –
with deuterium enrichments seen in solar system ices.
Embedded Protostar
The delivery of volatiles, predominantly in the form of ice, from the pre-stellar core
to the protoplanetary disk occurs during the embedded protostellar phase. This phase
begins with the gravitational collapse of a molecular core and the formation of an
accreting protostar in the center of the core, surrounded by a disk [205, 206]. Protostars
can be readily detected via the strong continuum emission as the accretion luminosity is
absorbed by the dense (n > 105 cm−3) envelope of gas surrounding the star (e.g. Fig. 8),
reprocessed by the dust and reradiated in the mid-infrared to submillimeter wavelengths
[20−1000 µm; 141, 207, 208, 209, 176].
The heating from a luminous central source leads to strong thermal gradients in
addition to the high degree of central concentration in the density. These conditions
are ripe to excite the emissions of numerous molecules and it is during this phase that
we gain the greatest glimpse of the chemical complexity that is fostered in interstellar
space. In fact when the temperatures rise to > 50−100 K the contents of the icy mantles
coating grains are released. It is in these regions, so-called “hot cores”, where most
molecular species have been detected in space. At present over 170 molecules have been
detected, with a clear dominance of organics.
This richness of interstellar chemistry is prominently observed towards young pro-
tostars more massive than our Sun [154], but also toward low mass regions [144, 5].
Fig.10 shows one such example in the Herschel spectrum [210, Crockett et al. 2013, in
prep.] taken toward a massive star-forming region found in the center of the image in
Fig. 8. In this one spectrum alone 20,000 lines are observed arising from 35 molecules
(84 isotopologues). The richness of the spectra in these regions with overlapping lines
and emission down to the sensitivity limits presents tremendous challenges in analy-
sis. Based on observations like these we now know that interstellar chemistry extends
to species of astrobiological interest. This includes amino-acetonitrile, a pre-cursor to
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FIGURE 10. Top panel: Herschel/HIFI full band spectrum of Orion KL to be published in Crockett
et al. 2013 (in prep.). Middle panel: zoom into one area of the spectrum with a handful of molecular
species labelled with associated transitions. This plot has been published earlier in Bergin et al. [210].
Bottom panel: Final zoom into the region of the spectrum coincident with a Q-branch band of CH3OH.
This spectrum was presented and analyzed by Wang et al. [211].
glycine, the simplest amino acid [212]; glycholaldehyde, a simple sugar, has been de-
tected from gas in close proximity to a solar mass type star and also towards more
massive objects [213, 214]. In addition E-cyanomethanimine, an HCN dimer, has been
also be observed [215]. This species is a key intermediary in potential formation routes
to adenine, a nucleobase.
Both evaporated water and organics exhibit high levels of deuterium enrichments as
the ISM values shown in Fig. 5 are predominantly from detections in this stage. The main
deuterium fractionation pathways, originating via H2D+ (and also CH2D+), require
temperatures less than ∼50 K to be operative. This is inconsistent with the temperature
inferred from the emission of both water and organics (see references in Fig 5) which
are generally > 100 K. Thus these deuterium enrichments are believed to be reflective of
chemistry that has occurred during the earlier colder pre-stellar phase. For organics the
level of enrichment seen in the ISM is significantly higher than that seen in the meteoritic
matrix. For water, measurements of this ratio towards young solar type protostars have
found values significantly closer to that of Oort cloud comets (e.g Persson et al. [88] but
see also Taquet et al. [89]).
Based on these observations it is theorized that many organics are created via surface
chemistry in the pre-stellar phase, along with water. Over the subsequent several hundred
thousand year evolution bonds within the ices can be broken via photoabsorption8,
freeing radicals which cannot move freely on grain surfaces at 10 K. Once the star is
born the grain warms up, heavier radicals gain needed energy to move on the grain
surface opening up additional organic creation pathways [217, 144], leading to even
greater chemical complexity. We note also that there are some limits in our ability to
detect very large organics via resolved spectroscopic techniques. Large molecules (e.g.
amino acids, DNA bases) have numerous decay pathways which spread the excitation
over many routes leading to weaker lines that can be lost in the line forest of more
abundant molecules or below our sensitivity limits.
Protoplanetary Disk
Over a timescale of ∼0.5 Myr the surrounding gaseous envelope dissipates and the
volatile-rich gaseous disk becomes exposed. Typical sizes of disk systems are ∼ 100
AU [116] and thus, even in the closest star forming region (Taurus at 140 pc) they sub-
tend small angles on the sky, which makes observational characterization challenging.
Nonetheless disks are readily detected by the excess of emission at infrared wavelengths
that exceeds that expected for stellar radiation [218, 205]. This excess emission is the
UV and optical stellar light that is reprocessed by the circumstellar disk and reemitted
in the infrared by the warm dust grains.
For the first few Myr the star is still accreting material from the disk [219]. Due to
stellar irradiation and the release of accretion energy the gas-rich protoplanetary disk
has strong radial and vertical thermal gradients. Kenyon and Hartmann [220] showed
8 Even in dark regions of space cosmic rays generate a weak UV radiation field [216]
that the thermal energy decreases more slowly with increasing radius than the vertical
component of gravity. As a consequence, the disk flares slightly with increasing radius,
a fact that is confirmed by Hubble Space Telescope images [221, 222]. Most of the
mass resides in the midplane of the disk and the surface density of material (Σ in g
cm−2) decays with distance. In the solar system this is codified by the Minimum Mass
Solar Nebula, the minimum amount of material needed to make our planetary system,
which has Σ ∝ r−3/2 [223, 224]. Observations of optically thin submillimeter-wave dust
emission can be used to trace mass in protoplanetary disks and these disks exhibit similar
dependencies in the mass distribution within the errors [225, 116].
There are a number of reviews of the physics and chemistry of these systems that are
available [226, 227, 228] so we will not get into specifics, but rather highlight a few key
points. (1) Our current observational census finds that some disks have radii > 100 AU
[116] and are thus larger than our solar system as defined by the outer boundary of the
Kuiper belt at 50 AU [229]. (2) The evolution of dust in terms of planet formation is a
major factor in the physical and also chemical evolution of the system. (3) The system is
not static. Dust grains, until they reach ∼km sizes, are subject to a variety of forces that
produce both random and systemic motions [230, 231]. Similarly the gaseous disk will
have varying degrees of turbulence [232], which can lead to mixing [233, 234]. As we
noted earlier there is also likelihood of strong movement of material once the gas disk
dissipates, under the influence of giant planets. (4) Because of the flared surface the disk
intercepts greater amounts of stellar radiation than would otherwise be the case. This is
particularly important for the chemistry as the disk becomes exposed to energetic stellar
ultraviolet (UV) and X-ray radiation. During this phase of evolution the UV radiation
is dominated by stellar Ly α photons [235, 236, 237]. Laboratory experiments suggest
that the exposure of interstellar ices to ultraviolet radiation leads to the formation of
monomers, e.g. amino acids [238, 239]. Furthermore, it is clear that this radiation exists
and is hitting the molecular disk [240]. (5) The presence of radial thermal gradients
suggests that there may be several condensation fronts for major volatiles with water
closer to the star and, for example, CO at greater distances [241]. This list could be
made much longer and we can summarize by stating that there are ample opportunities
in the disk system to alter the chemistry within the volatile pools.
In terms of observations we do have some information. In the outer parts of the
disk (radii > 50 AU) there are detections of simple molecules in numerous systems
[242, 243, 244] (e.g. HCN, HCO+, H2CO). Detailed studies suggest that molecular
abundances are reduced compared to that of the interstellar medium, implying that the
formation of cometary ices has commenced in these ∼1 Myr old systems [245, 246].
The characterization of water vapor has been a success story as we expect H2O vapor
inside the snow-line and ice beyond. This is consistent with observational results of
warm (∼ 300− 500 K) water vapor emission, arising from within a few AU of the
star [247, 248, 249, 250, 251]; at large radii water appears to be mostly frozen onto
dust grains [252, 253, 254]. These water observations are unresolved, so the resolved
observation of the CO snow-line in one system [241] using the newly minted Atacama
Large Millimeter Array (ALMA) points to a bright future of resolved chemical studies.
Another clear success is that resolved observations of molecular emission in the disk
very beautifully trace the velocity structure and set limits on the physics of the disk and
even constrain the stellar mass [255, 256, 257].
The Chemical Legacy from Star and Planet Birth
As seen from above there are some areas where we have obtained strong constraints
on the creation and distribution of volatiles, although during some phases we lack
observational constraints. However, the interstellar record does show the beginnings of
chemical complexity was present and fostered as part of the stellar and planetary birth,
which we summarize below through a census the major atomic pools.
• Hydrogen: Formed as part of the birth of the molecular cloud and resides in the
gaseous state in the form of H2 throughout all stages.
• Carbon: A large fraction of the carbon is found in the solid state in molecular
clouds, with estimates as high as ∼ 69% in some form of solid state carbonaceous
grain material. In regions exposed to starlight broad spectral features are observed
between 2-20µm. These have generally been associated with polycyclic aromatic
hydrocarbons (PAHs), which are widespread in the ISM [258]. We note that the red
wispy dust emission in Fig. 8 is attributed mostly to emission from PAHs. Models
and observations suggest about 20-30% of the carbon that is locked in the solid
state resides in this unidentified aromatic form [259]. The remainder of the carbon
reservoir is found in gas phase carbon monoxide (∼ 31%), which sets the stage for
the birth of the dense core.
Inside the dense (n > 104 cm−3) cold (T ∼ 10−20 K) pre-stellar core CO freezes
onto grains and a fraction of this carbon is transferred into organics predominantly
via catalytic chemistry on grain surfaces. PAH’s may also freeze onto larger grains
in this stage [260]. These organics incorporate the heavy isotope enrichments that
are built up in the cold phase. When the star is born these organics increase in
complexity and are revealed by evaporation in the hot (T > 100 K) gas. Based on
spectral surveys, ∼ 1% of the carbon is found as organics in ices/vapor, depending
on the temperature (Crockett et al. 2013, in prep.; Neill et al. 2013, in prep.). When
the young disk is born there is the potential for reprocessing as this is one of the
least characterized stages. The chemical and physical conditions of the forming
disk are thus still highly uncertain and some aspects of the meteoritic record (e.g.
calcium-aluminum rich inclusions) might be set in this stage. This is a fruitful area
of research in the coming years.
In the disk there is strong potential for both destruction and growth of organic
molecules. Solid state carbon compounds dominate the opacity from the near UV
to the near infrared where most of the stellar radiation originates [261]. Thus the
disk emission depends on the carbon abundance and distribution. Models of disks
with gaps or holes find that silicates exist closer the star than the carbonaceous
materials which are present at larger radii [262]. The emission from polycyclic
aromatic hydrocarbons (PAHs) is also detected, but appears reduced in abundance
when compared to the interstellar medium [263]. In the inner disk it is theorized
that carbon-bearing grains, including PAHs, are oxidized and thus are not part
of the terrestrial planet formation [264, 265, 266]. This is consistent with the
overall depletion of carbon relative to silicon in CI chondrites compared to solar
abundances [267, 265]. By inference this carbon must be in the gas. The abundance
of CO has yet to be characterized and thus it is assumed to be a major carbon
carrier inside of the CO condensation front. At present we have no information
on D/H ratios in ices. Beyond the detection of H2CO, HCN, C2H2, and C3H2 the
volatile organic content of disks is not known [245, 247, 248, 249, 250, 251, 268].
Oxygen: In the molecular cloud a large fraction of oxygen is locked in refractory
silicates (∼ 26%) and ∼ 31% in CO. Early in the evolution water ice and organics
have not formed, thus prior to core condensation O is found either in neutral atomic
form or in an unidentified refractory form [172]. When the gas density exceeds
∼> 104 cm−3 the water ice mantle forms, locking 20-40% of this oxygen in the form
of water ice. When the star is born the water is provided to the disk as ice, which
may remain as ice in the young disk and as vapor in the envelope [269, 270]. In
the disk itself we have clear evidence for a transition from most of this water as
vapor inside a few AU and then apparently to ice beyond [254]. We have similar
expectations for CO, which is another key oxygen carrier [241]. However, in
the disk we do not have strong constraints on molecular abundances, beyond the
general statement that in the colder regions of the disk molecular abundances
appear lower than seen in the ISM, which is consistent with freeze-out onto grains
[245]. Furthermore, at present we have not identified all of the oxygen carriers
throughout each stage; there may be an organic refractory component that includes
significant oxygen [172].
Nitrogen: Nitrogen is not a major constituent of dust grains and generally resides
in the gas. This should make tracking the main carriers easier. However, one of
the main potential carriers, N2, lacks a permanent dipole and cannot be probed
by rotational transitions. There are some observational constraints and general
expectations. In the molecular cloud phase, we know that the ionization potential
of N is above 13.6 eV and major carriers require dust to shield from starlight,
thus our expectation is that nitrogen remains in atomic form for general molecular
cloud gas. In the dense cores we observe gas phase NH3, but it is not a major
carrier. Observations of N2H+, which forms from N2 infer that in some instances
most nitrogen is found in gas phase N2 [271]. Detailed chemical modeling of
Barnard 68 suggests instead that most nitrogen is found in neutral atomic form
[272]. Daranlot et al. [273] also argue that N2 is not a major nitrogen reservoir,
suggesting instead NH3 in ice. Towards young protostars ∼10 - 20% is inferred to
be present as ammonia ice [274, 201], but the remaining form of N is uncertain and
could be in atomic or molecular form. For more complex molecules we do have
estimates: HCN, and methyl/ethyl/vinyl cyanide are the main carriers of nitrogen
comprising 14.6% of available nitrogen (Crockett et al. 2013, in prep.). The main
form of nitrogen in the disk is unknown. Since terrestrial worlds and even comets
are highly nitrogen-poor [275, 53] it is likely that nitrogen was in a very volatile
form, perhaps N or N2. Marty [53] suggests that nitrogen might have been delivered
to the Earth in the form of organics.
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FIGURE 11. Schematic summarizing the current state of knowledge regarding the development of
chemical complexity throughout star and planet formation. Image credits: top left is the Barnard 68
pre-stellar core - ESO and Alves et al. [187]; top middle is the L1527 protostellar and its disk (seen
in silhouette) from Tobin et al. [276]; top right is an artist impression of a protoplanetary disk from ESO;
Bottom left are solar system objects with image credit to NASA.
ASTROBIOLOGY: A MARRIAGE OF MANY FIELDS
Decades of transformative work has led us to a conversation about life’s origin encom-
passing many fields: chemistry, biology, geology, physics, and astronomy. From the as-
tronomical perspective we have made significant progress in characterizing the begin-
ning. Fig. 11 provides a graphical representation summarizing our current knowledge,
which we detail below.
Prior to and during stellar birth we have information on the disposition within the
carbon, hydrogen, oxygen, and nitrogen pools. Water is formed before the star is born
with high D/H ratios. Thus the water that is supplied to the young planet potentially
originated 500,000 years before the birth of the solar system. During these phases the
initial organics are born, also with the large deuterium enrichments. Some organics,
e.g. PAHs, are inferred to be present, potentially in large abundance, but currently
have no specific molecular assignment. The organics that can be directly identified are
fairly simple compared to, for example, the amino acids with measured heavy isotope
enrichments in meteorites. Organics are important carriers of carbon, but also nitrogen.
The chemistry that precedes and is associated with stellar birth thus readily produces
simple monomers and copious amounts of water ice, with enrichments of heavy isotopes.
These are then provided by collapse to the young disk. This represents the starting point
for any subsequent processing within the disk and also deep inside meteorite parent
bodies where reactions can proceed in some instances by aqueous alteration. Perhaps
just as importantly the physical properties seen towards the organic factories surrounding
high mass stars (mass greater than several solar masses) are replicated somewhere in
the young planet-forming disk. Thus they serve as templates to understand chemical
processes that will be active during the stage of planetary birth.
Looking forward, the upcoming data from ALMA, and eventually the successor to
the Hubble Space Telescope - the James Webb Space Telescope (JWST) - will provide
data on the missing links in this process. A number of important questions need to be
addressed. What processing occurs when the disk is born and in the disk itself? We have
fantastic theories, and a detailed record in the solar system, but observational character-
ization of extra-solar systems is only just beginning. Mixing of hot and cold materials
appears to be a tale in our solar system; is this important for organic creation/alteration,
changing the D/H ratios, and can any effects be identified? We have now begun to poten-
tially even detect young giant planets embedded in disks [277, 278], and thus are truly
studying planet formation in situ. How to connect this to prebiotic chemistry somewhere
on a young planet will remain a long-term challenge but remains an exciting goal.
ACKNOWLEDGMENTS
The author acknowledges support from NASA through the Origins of Solar Systems
program (grant # NNX12AI93G) and by the NSF via grant AST-1008800. We are also
grateful to Ilse Cleeves and Ruud Visser for a commenting on the manuscript.
REFERENCES
1. J. F. Kasting, D. P. Whitmire, and R. T. Reynolds, Icarus 101, 108–128 (1993).
2. M. Mayor, and D. Queloz, Nature 378, 355–359 (1995).
3. G. W. Marcy, and R. P. Butler, Astrophys. J. Letters 464, L147 (1996).
4. W. J. Borucki, D. G. Koch, N. Batalha, et al., Astrophys. J. 745, 120 (2012).
5. P. Caselli, and C. Ceccarelli, Astron. & Astrophys. Rev. 20, 56 (2012).
6. S. A. Benner, “Chemistry, life, and the search for aliens,” in SPIE Optical Engineering+ Applica-
tions, International Society for Optics and Photonics, 2010.
7. S. Pizzarello, and E. Shock, Cold Spring Harbor perspectives in biology 2 (2010).
8. L. E. Orgel, Trends in Biochemical Sciences 23, 491 – 495 (1998).
9. D. Deamer, and J. Szostak, editors, The Origins of Life, Cold Spring Harbor Lab, 2010.
10. G. Faure, and T. M. Mensing, Isotopes: principles and applications, Wiley Hoboken, NJ, 2005.
11. C. J. Allègre, Isotope geology, Cambridge University Press Cambridge, 2008.
12. A. O. Nier, R. W. Thompson, and B. F. Murphey, Physical Review 60, 112–116 (1941).
13. C. Patterson, G. Tilton, and M. Inghram, Science 121, pp. 69–75 (1955).
14. Y. Amelin, A. N. Krot, I. D. Hutcheon, and A. A. Ulyanov, Science 297, 1678– (2002).
15. C. J. Allègre, G. Manhès, and C. Göpel, Geochim. Cosmochim. Acta 59, 2445–1456 (1995).
16. J. P. Grotzinger, and A. H. Knoll, Annual Review of Earth and Planetary Sciences 27, 313–358
(1999).
17. E. G. Nisbet, and N. H. Sleep, Nature 409, 1083–1091 (2001).
18. P. López-Garcia, D. Moreira, E. Douzery, P. Forterre, M. van Zuilen, P. Claeys, and D. Prieur, Earth
Moon and Planets 98, 247–290 (2006).
19. E. J. Javaux, and V. Dehant, Astron. & Astrophys. Rev. 18, 383–416 (2010).
20. N. T. Arndt, and E. G. Nisbet, Annual Review of Earth and Planetary Sciences 40, 521–549 (2012).
21. T. Bosak, A. H. Knoll, and A. P. Petroff, Annual Review of Earth and Planetary Sciences 41, 21–44
(2013).
22. A. Bekker, H. D. Holland, P.-L. Wang, D. Rumble, H. J. Stein, J. L. Hannah, L. L. Coetzee, and
N. J. Beukes, Nature 427, 117–120 (2004).
23. S. J. Mojzsis, G. Arrhenius, K. D. McKeegan, T. M. Harrison, A. P. Nutman, and C. R. L. Friend,
Nature 384, 55–59 (1996).
24. M. T. Rosing, Science 283, 674 (1999).
25. C. M. Fedo, and M. J. Whitehouse, Science 296, 1448–1452 (2002).
26. S. Moorbath, Nature 434, 155 (2005).
27. N. Grassineau, P. Abell, P. Appel, D. Lowry, and E. Nisbet, Memoirs-Geological Soc. of America
198, 33 (2006).
28. R. Buick, J. Dunlop, and D. Groves, Alcheringa 5, 161–181 (1981).
29. M. Walter, R. Buick, and J. Dunlop, Nature 284, 443–444 (1980).
30. D. R. Lowe, Nature 284, 441–443 (1980).
31. H. Hofmann, K. Grey, A. Hickman, and R. Thorpe, Geological Soc. of America 111, 1256–1262
(1999).
32. M. M. Tice, and D. R. Lowe, Nature 431, 549–552 (2004).
33. A. C. Allwood, M. R. Walter, B. S. Kamber, C. P. Marshall, and I. W. Burch, Nature 441, 714–718
(2006).
34. D. R. Lowe, Precambrian Research 19, 239 – 283 (1983).
35. A. C. Allwood, M. R. Walter, I. W. Burch, and B. S. Kamber, Precambrian Research 158, 198 –
227 (2007).
36. M. M. Tice, D. C. O. Thornton, M. C. Pope, T. D. Olszewski, and J. Gong, Annual Review of Earth
and Planetary Sciences 39, 297–319 (2011).
37. J. W. Schopf, and B. M. Packer, Science 237, 70–73 (1987).
38. J. W. Schopf, Science 260, 640–646 (1993).
39. M. D. Brasier, O. R. Green, A. P. Jephcoat, A. K. Kleppe, M. J. Van Kranendonk, J. F. Lindsay,
A. Steele, and N. V. Grassineau, Nature 416, 76–81 (2002).
40. C. P. Marshall, J. R. Emry, and A. Olcott Marshall, Nature Geoscience 4, 240–243 (2011).
41. J. W. Schopf, and A. B. Kudryavtsev, Nature Geoscience 4, 346–347 (2011).
42. E. J. Javaux, C. P. Marshall, and A. Bekker, Nature 463, 934–938 (2010).
43. D. Wacey, M. R. Kilburn, M. Saunders, J. Cliff, and M. D. Brasier, Nature Geoscience 4, 698–702
(2011).
44. S. J. Mojzsis, T. M. Harrison, and R. T. Pidgeon, Nature 409, 178–181 (2001).
45. S. A. Wilde, J. W. Valley, W. H. Peck, and C. M. Graham, Nature 409, 175–178 (2001).
46. N. H. Sleep, Cold Spring Harbor perspectives in biology 2 (2010).
47. G. Neukum, B. A. Ivanov, and W. K. Hartmann, Space Science Rev. 96, 55–86 (2001).
48. D. Stöffler, and G. Ryder, Space Science Rev. 96, 9–54 (2001).
49. K. Zahnle, and N. H. Sleep, “Impacts and the Early Evolution of Life,” in Comets and the Origin
and Evolution of Life, edited by P. J. Thomas, R. D. Hicks, C. F. Chyba, and C. P. McKay, 2006, p.
207.
50. G. Southam, L. J. Rothschild, and F. Westall, Space Science Rev. 129, 7–34 (2007).
51. L. W. Alvarez, W. Alvarez, F. Asaro, and H. V. Michel, Science 208, 1095–1108 (1980).
52. R. Dasgupta, and M. M. Hirschmann, Earth and Planetary Science Letters 298, 1–13 (2010).
53. B. Marty, Earth and Planetary Science Letters 313, 56–66 (2012).
54. B. T. Draine, Ann. Rev. Astron. Astrophys. 41, 241–289 (2003).
55. A. N. Youdin, and S. J. Kenyon, From Disks to Planets, Springer, 2013, vol. 3, p. 1.
56. A. Morbidelli, J. I. Lunine, D. P. O’Brien, S. N. Raymond, and K. J. Walsh, Annual Review of Earth
and Planetary Sciences 40, 251–275 (2012).
57. P. J. Armitage, Astrophysics of Planet Formation, Cambridge University Press: Cambridge, UK,
2010.
58. W. Benz, W. L. Slattery, and A. G. W. Cameron, Icarus 71, 30–45 (1987).
59. J. S. Lewis, The Physics and Chemistry of the Solar System, Elsevier Academic Press, 2004.
60. K. I. Öberg, R. T. Garrod, E. F. van Dishoeck, and H. Linnartz, Astron. & Astrophys. 504, 891–913
(2009).
61. L. Grossman, Geochim. Cosmochim. Acta 36, 597–619 (1972).
62. J. A. Wood, and A. Hashimoto, Geochim. Cosmochim. Acta 57, 2377–2388 (1993).
63. D. S. Ebel, and L. Grossman, Geochim. Cosmochim. Acta 64, 339–366 (2000).
64. A. M. Davis, Volatile Evolution and Loss, Meteorites and the Early Solar System II, 2006, pp.
295–307.
65. E. Zinner, Annual Review of Earth and Planetary Sciences 26, 147–188 (1998).
66. F. Robert, Solar System Deuterium/Hydrogen Ratio, Meteorites and the Early Solar System II, 2006,
pp. 341–351.
67. K. Willacy, and P. M. Woods, Astrophys. J. 703, 479–499 (2009).
68. M. J. Mumma, and S. B. Charnley, Ann. Rev. Astron. Astrophys. 49, 471–524 (2011).
69. B. T. Draine, Astrophys. J. 245, 880–890 (1981).
70. M. Podolak, and S. Zucker, Meteoritics and Planetary Science 39, 1859–1868 (2004).
71. M. Lecar, M. Podolak, D. Sasselov, and E. Chiang, Astrophys. J. 640, 1115–1118 (2006).
72. S. S. Davis, Astrophys. J. 660, 1580–1587 (2007).
73. S. E. Dodson-Robinson, K. Willacy, P. Bodenheimer, N. J. Turner, and C. A. Beichman, Icarus
200, 672–693 (2009).
74. A. N. Krot, K. Keil, C. A. Goodrich, E. R. D. Scott, and M. K. Weisberg, Classification of
Meteorites, Meteorites, Comets and Planets: Treatise on Geochemistry, Volume 1, 2005, p. 83.
75. A. N. Krot, Y. Amelin, P. Bland, F. J. Ciesla, J. Connelly, A. M. Davis, G. R. Huss, I. D. Hutcheon,
K. Makide, K. Nagashima, L. E. Nyquist, S. S. Russell, E. R. D. Scott, K. Thrane, H. Yurimoto,
and Q.-Z. Yin, Geochim. Cosmochim. Acta 73, 4963–4997 (2009).
76. K. Lodders, Astrophys. J. 591, 1220–1247 (2003).
77. S. Pizzarello, G. W. Cooper, and G. J. Flynn, The Nature and Distribution of the Organic Material
in Carbonaceous Chondrites and Interplanetary Dust Particles, Meteorites and the Early Solar
System II, 2006, pp. 625–651.
78. S. Pizzarello, and E. Shock, Cold Spring Harbor perspectives in biology 2 (2010).
79. Z. Martins, O. Botta, M. L. Fogel, M. A. Sephton, D. P. Glavin, J. S. Watson, J. P. Dworkin, A. W.
Schwartz, and P. Ehrenfreund, Earth and Planetary Science Letters 270, 130–136 (2008).
80. M. P. Callahan, K. E. Smith, H. J. Cleaves, J. Ruzicka, J. C. Stern, D. P. Glavin, C. H. House, and
J. P. Dworkin, Proceedings of the National Academy of Science 108, 13995–13998 (2011).
81. E. Lellouch, B. Bézard, T. Fouchet, H. Feuchtgruber, T. Encrenaz, and T. de Graauw, Astron. &
Astrophys. 370, 610–622 (2001).
82. P. R. Mahaffy, T. M. Donahue, S. K. Atreya, T. C. Owen, and H. B. Niemann, Space Science
Reviews 84, 251–263 (1998).
83. J. Geiss, and G. Gloeckler, Space Science Reviews 84, 239–250 (1998).
84. H. Feuchtgruber, E. Lellouch, G. Orton, T. de Graauw, B. Vandenbussche, B. Swinyard, R. Moreno,
C. Jarchow, F. Billebaud, T. Cavalié, S. Sidher, and P. Hartogh, Astron. & Astrophys. 551, A126
(2013).
85. J. P. Greenwood, S. Itoh, N. Sakamoto, P. Warren, L. Taylor, and H. Yurimoto, Nature Geoscience
4, 79–82 (2011).
86. C. M. O. . Alexander, R. Bowden, M. L. Fogel, K. T. Howard, C. D. K. Herd, and L. R. Nittler,
Science 337, 721– (2012).
87. P. Hartogh, D. C. Lis, D. Bockelée-Morvan, M. de Val-Borro, N. Biver, M. Küppers, M. Em-
prechtinger, E. A. Bergin, J. Crovisier, M. Rengel, R. Moreno, S. Szutowicz, and G. A. Blake,
Nature 478, 218–220 (2011).
88. M. V. Persson, J. K. Jørgensen, and E. F. van Dishoeck, Astron. & Astrophys. 549, L3 (2013).
89. V. Taquet, A. López-Sepulcre, C. Ceccarelli, R. Neri, C. Kahane, A. Coutens, and C. Vastel,
Astrophys. J. Letters 768, L29 (2013).
90. B. Parise, T. Simon, E. Caux, E. Dartois, C. Ceccarelli, J. Rayner, and A. G. G. M. Tielens, Astron.
& Astrophys. 410, 897–904 (2003).
91. Y. Wang, Y. Huang, C. M. O. . Alexander, M. Fogel, and G. Cody, Geochim. Cosmochim. Acta 69,
3711–3721 (2005).
92. S. Pizzarello, and Y. Huang, Geochim. Cosmochim. Acta 69, 599–605 (2005).
93. R. Meier, T. C. Owen, D. C. Jewitt, H. E. Matthews, M. Senay, N. Biver, D. Bockelee-Morvan,
J. Crovisier, and D. Gautier, Science 279, 1707 (1998).
94. E. Roueff, and M. Gerin, Space Science Rev. 106, 61–72 (2003).
95. B. Parise, C. Ceccarelli, A. G. G. M. Tielens, A. Castets, E. Caux, B. Lefloch, and S. Maret, Astron.
& Astrophys. 453, 949–958 (2006).
96. J. L. Neill, N. Crockett, E. A. Bergin, J. Pearson, and L. Xu, Astrophys. J. p. submitted (2013).
97. H. F. Levison, and M. J. Duncan, Icarus 127, 13–32 (1997).
98. J. A. Fernandez, Icarus 129, 106–119 (1997).
99. L. Dones, P. R. Weissman, H. F. Levison, and M. J. Duncan, “Oort Cloud Formation and Dy-
namics,” in Star Formation in the Interstellar Medium: In Honor of David Hollenbach, edited by
D. Johnstone, F. C. Adams, D. N. C. Lin, D. A. Neufeld, and E. C. Ostriker, 2004, vol. 323 of
Astronomical Society of the Pacific Conference Series, p. 371.
100. D. Bockelée-Morvan, et al., Astron. & Astrophys. 353, 1101–1114 (2000).
101. P. Ehrenfreund, S. B. Charnley, and D. Wooden, From interstellar material to comet particles and
molecules, Comets II, 2004, pp. 115–133.
102. M. E. Zolensky, et al., Science 314, 1735–1739 (2006).
103. D. Brownlee, et al., Science 314, 1711– (2006).
104. J. L. Linsky, Space Science Rev. 84, 285–296 (1998).
105. K. Muralidharan, P. Deymier, M. Stimpfl, N. H. de Leeuw, and M. J. Drake, Icarus 198, 400–407
(2008).
106. H. E. King, M. Stimpfl, P. Deymier, M. J. Drake, C. R. A. Catlow, A. Putnis, and N. H. de Leeuw,
Earth and Planetary Science Letters 300, 11–18 (2010).
107. C. Hayashi, K. Nakazawa, and H. Mizuno, Earth and Planetary Science Letters 43, 22–28 (1979).
108. C. L. Harper, Jr., and S. B. Jacobsen, Science 273, 1814–1818 (1996).
109. D. Porcelli, and R. Pepin, “The Origin of Noble Gases and Major Volatiles in the Terrestrial
Planets,” in Treatise on Geochemistry, edited by E. D. Holland, and K. K. Turekian, Pergamon,
Oxford, 2003, pp. 319 – 347.
110. L. T. Elkins-Tanton, Annual Review of Earth and Planetary Sciences 40, 113–139 (2012).
111. M. Ikoma, and H. Genda, Astrophys. J. 648, 696–706 (2006).
112. Q. Yin, S. B. Jacobsen, K. Yamashita, J. Blichert-Toft, P. Télouk, and F. Albarède, Nature 418,
949–952 (2002).
113. T. Kleine, C. Münker, K. Mezger, and H. Palme, Nature 418, 952–955 (2002).
114. R. Schoenberg, B. S. Kamber, K. D. Collerson, and O. Eugster, Geochim. Cosmochim. Acta 66,
3151–3160 (2002).
115. M. Touboul, I. S. Puchtel, and R. J. Walker, Science 335, 1065–1069 (2012).
116. J. P. Williams, and L. A. Cieza, Ann. Rev. Astron. Astrophys. 49, 67–117 (2011).
117. K. Zahnle, N. Arndt, C. Cockell, A. Halliday, E. Nisbet, F. Selsis, and N. H. Sleep, Space Science
Rev. 129, 35–78 (2007).
118. G. Holland, M. Cassidy, and C. J. Ballentine, Science 326, 1522– (2009).
119. A. N. Halliday, Geochimica Et Cosmochimica Acta 105, 146–171 (2013).
120. S. N. Raymond, T. Quinn, and J. I. Lunine, Icarus 168, 1–17 (2004).
121. D. P. O’Brien, A. Morbidelli, and H. F. Levison, Icarus 184, 39–58 (2006).
122. H. H. Hsieh, and D. Jewitt, Science 312, 561–563 (2006).
123. T. J. Ahrens, J. D. O’Keefe, and M. A. Lange, Formation of atmospheres during accretion of the
terrestrial planets, University of Arizona Press: Tucson Az, 1989, pp. 328–385.
124. C. F. Chyba, and C. Sagan, Nature 355, 125–132 (1992).
125. S. A. Benner, H.-J. Kim, M.-J. Kim, and A. Ricardo, Cold Spring Harbor perspectives in biology 2
(2010).
126. J. D. Sutherland, Cold Spring Harbor perspectives in biology 2 (2010).
127. M. Asplund, N. Grevesse, A. J. Sauval, and P. Scott, Ann. Rev. Astron. Astrophys. 47, 481–522
(2009).
128. T. P. Snow, and B. J. McCall, Ann. Rev. Astron. Astrophys. 44, 367–414 (2006).
129. J. Ballesteros-Paredes, R. S. Klessen, M.-M. Mac Low, and E. Vazquez-Semadeni, Protostars and
Planets V pp. 63–80 (2007).
130. M.-M. Mac Low, and R. S. Klessen, Reviews of Modern Physics 76, 125–194 (2004).
131. C. Dobbs, “Star formation in galaxies: the role of spiral arms,” in IAU Symposium, 2013, vol. 298.
132. E. A. Bergin, L. W. Hartmann, J. C. Raymond, and J. Ballesteros-Paredes, Astrophys. J. 612,
921–939 (2004).
133. P. C. Clark, S. C. O. Glover, R. S. Klessen, and I. A. Bonnell, MNRAS 424, 2599–2613 (2012).
134. R. B. Larson, Reports on Progress in Physics 66, 1651–1697 (2003).
135. C. F. McKee, and E. C. Ostriker, Ann. Rev. Astron. Astrophys. 45, 565–687 (2007).
136. M. L. Enoch, N. J. Evans, II, A. I. Sargent, J. Glenn, E. Rosolowsky, and P. Myers, Astrophys. J.
684, 1240–1259 (2008).
137. R. Arquilla, and P. F. Goldsmith, Astrophys. J. 303, 356–374 (1986).
138. A. A. Goodman, P. J. Benson, G. A. Fuller, and P. C. Myers, Astrophys. J. 406, 528–547 (1993).
139. X. Chen, R. Launhardt, and T. Henning, Astrophys. J. 669, 1058–1071 (2007).
140. S. Terebey, F. H. Shu, and P. Cassen, Astrophys. J. 286, 529–551 (1984).
141. N. J. Evans, et al., Astrophys. J. Suppl. 181, 321–350 (2009).
142. N. J. Evans, Ann. Rev. Astron. Astrophys. 37, 311–362 (1999).
143. W. M. Irvine, P. F. Goldsmith, and A. Hjalmarson, “Chemical abundances in molecular clouds,”
in Interstellar Processes, edited by D. J. Hollenbach, and H. A. Thronson, Jr., 1987, vol. 134 of
Astrophysics and Space Science Library, pp. 561–609.
144. E. Herbst, and E. F. van Dishoeck, Ann. Rev. Astron. Astrophys. 47, 427–480 (2009).
145. E. L. Gibb, D. C. B. Whittet, A. C. A. Boogert, and A. G. G. M. Tielens, Astrophys. J. Suppl. 151,
35–73 (2004).
146. P. Sonnentrucker, D. A. Neufeld, P. A. Gerakines, E. A. Bergin, G. J. Melnick, W. J. Forrest, J. L.
Pipher, and D. C. B. Whittet, Astrophys. J. 672, 361–370 (2008).
147. K. Malfait, C. Waelkens, J. Bouwman, A. de Koter, and L. B. F. M. Waters, Astron. & Astrophys.
345, 181–186 (1999).
148. M. K. McClure, P. Manoj, N. Calvet, L. Adame, C. Espaillat, D. M. Watson, B. Sargent, W. J.
Forrest, and P. D’Alessio, Astrophys. J. Letters 759, L10 (2012).
149. W. Gordy, and R. L. Cook, Microwave molecular spectra, John Wiley; New York:, 1970.
150. P. T. P. Ho, and C. H. Townes, Ann. Rev. Astron. Astrophys. 21, 239–270 (1983).
151. J. S. Koehler, and D. M. Dennison, Physical Review 57, 1006–1021 (1940).
152. S. Kwok, Physics and Chemistry of the Interstellar Medium, University Science Books, 2007.
153. P. F. Goldsmith, and W. D. Langer, Astrophys. J. 517, 209–225 (1999).
154. G. A. Blake, E. C. Sutton, C. R. Masson, and T. G. Phillips, Astrophys. J. 315, 621–645 (1987).
155. B. E. Turner, Astrophys. J. Suppl. 76, 617–686 (1991).
156. H. M. Pickett, I. R. L. Poynter, E. A. Cohen, M. L. Delitsky, J. C. Pearson, and H. S. P. Muller,
Journal of Quantitative Spectroscopy and Radiative Transfer 60, 883–890 (1998).
157. H. S. P. Müller, F. Schlöder, J. Stutzki, and G. Winnewisser, Journal of Molecular Structure 742,
215–227 (2005).
158. M. A. Frerking, W. D. Langer, and R. W. Wilson, Astrophys. J. 262, 590–605 (1982).
159. F. Ripple, M. H. Heyer, R. Gutermuth, R. L. Snell, and C. M. Brunt, MNRAS (2013).
160. E. A. Bergin, and M. Tafalla, Ann. Rev. Astron. Astrophys. 45, 339–396 (2007).
161. J. S. Mathis, P. G. Mezger, and N. Panagia, Astron. & Astrophys. 128, 212–229 (1983).
162. B. T. Draine, Physics of the Interstellar and Intergalactic Medium, Princeton University Press;
Princeton NJ, 2011.
163. B. D. Savage, and J. S. Mathis, Ann. Rev. Astron. Astrophys. 17, 73–111 (1979).
164. E. Furlan, et al., Astrophys. J. Letters 628, L65–L68 (2005).
165. R. C. Bohlin, B. D. Savage, and J. F. Drake, Astrophys. J. 224, 132–142 (1978).
166. J. S. Mathis, W. Rumpl, and K. H. Nordsieck, Astrophys. J. 217, 425–433 (1977).
167. J. C. Weingartner, and B. T. Draine, Astrophys. J. 548, 296–309 (2001).
168. B. D. Savage, and K. R. Sembach, Ann. Rev. Astron. Astrophys. 34, 279–330 (1996).
169. D. S. Ebel, J. Geophys. Res. 105, 10363–10370 (2000).
170. A. M. Davis, and F. M. Richter, Condensation and Evaporation of Solar System Materials, Elsevier,
Oxford, 2004, pp. 407–427.
171. K. Lodders, “Solar System Abundances of the Elements,” in Principles and Perspectives in Cos-
mochemistry, edited by A. Goswami, and B. E. Reddy, 2010, p. 379.
172. D. C. B. Whittet, Astrophys. J. 710, 1009–1016 (2010).
173. R. C. Kennicutt, and N. J. Evans, Ann. Rev. Astron. Astrophys. 50, 531–608 (2012).
174. L. Blitz, and J. Williams, Molecular Clouds, Kluwer Academic Publishers: Dordrecht, 1999, vol.
540, pp. 3–28.
175. C. J. Lada, and E. A. Lada, Ann. Rev. Astron. Astrophys. 41, 57–115 (2003).
176. S. T. Megeath, R. Gutermuth, J. Muzerolle, E. Kryukova, et al., Astron. J. 144, 192 (2012).
177. E. A. Lada, Astrophys. J. Letters 393, L25–L28 (1992).
178. F. C. Adams, Ann. Rev. Astron. Astrophys. 48, 47–85 (2010).
179. D. Hollenbach, and E. E. Salpeter, Astrophys. J. 163, 155 (1971).
180. N. Katz, I. Furman, O. Biham, V. Pirronello, and G. Vidali, Astrophys. J. 522, 305–312 (1999).
181. E. Herbst, and W. Klemperer, Astrophys. J. 185, 505–534 (1973).
182. E. Herbst, Annual Review of Physical Chemistry 46, 27–54 (1995).
183. E. F. van Dishoeck, “Photodissociation Processes of Astrophysical Molecules,” in Astrochemistry,
edited by M. S. Vardya, and S. P. Tarafdar, 1987, vol. 120 of IAU Symposium, p. 51.
184. H.-H. Lee, E. Herbst, G. Pineau des Forets, E. Roueff, and J. Le Bourlot, Astron. & Astrophys.
311, 690–707 (1996).
185. R. Visser, E. F. van Dishoeck, and J. H. Black, Astron. & Astrophys. 503, 323–343 (2009).
186. W. D. Langer, and T. E. Graedel, Astrophys. J. Suppl. 69, 241–269 (1989).
187. J. F. Alves, C. J. Lada, and E. A. Lada, Nature 409, 159–161 (2001).
188. E. A. Bergin, J. Alves, T. Huard, and C. J. Lada, Astrophys. J. Letters 570, L101–L104 (2002).
189. S. Bianchi, J. Gonçalves, M. Albrecht, P. Caselli, R. Chini, D. Galli, and M. Walmsley, Astron. &
Astrophys. 399, L43–L46 (2003).
190. J. di Francesco, N. J. Evans, II, P. Caselli, P. C. Myers, Y. Shirley, Y. Aikawa, and M. Tafalla, “An
Observational Perspective of Low-Mass Dense Cores I: Internal Physical and Chemical Properties,”
in Protostars and Planets V, edited by B. Reipurth, D. Jewitt, and K. Keil, 2007, pp. 17–32.
191. E. A. Bergin, S. Maret, F. F. S. van der Tak, J. Alves, S. M. Carmody, and C. J. Lada, Astrophys. J.
645, 369–380 (2006).
192. A. Crapsi, P. Caselli, M. C. Walmsley, and M. Tafalla, Astron. & Astrophys. 470, 221–230 (2007).
193. R. Launhardt, A. M. Stutz, A. Schmiedeke, T. Henning, et al., Astron. & Astrophys. 551, A98
(2013).
194. D. Hollenbach, M. J. Kaufman, E. A. Bergin, and G. J. Melnick, Astrophys. J. 690, 1497–1521
(2009).
195. M. Tafalla, P. C. Myers, P. Caselli, C. M. Walmsley, and C. Comito, Astrophys. J. 569, 815–835
(2002).
196. D. C. B. Whittet, M. F. Bode, A. J. Longmore, A. J. Adamson, A. D. McFadzean, D. K. Aitken,
and P. F. Roche, MNRAS 233, 321–336 (1988).
197. K. M. Pontoppidan, E. F. van Dishoeck, and E. Dartois, Astron. & Astrophys. 426, 925–940 (2004).
198. P. Caselli, E. Keto, E. A. Bergin, M. Tafalla, et al., Astrophys. J. Letters 759, L37 (2012).
199. H. M. Cuppen, S. Ioppolo, C. Romanzin, and H. Linnartz, Physical Chemistry Chemical Physics
(Incorporating Faraday Transactions) 12, 12077 (2010).
200. H. M. Cuppen, and R. T. Garrod, Astron. & Astrophys. 529, A151 (2011).
201. K. I. Öberg, A. C. A. Boogert, K. M. Pontoppidan, S. van den Broek, E. F. van Dishoeck, S. Bot-
tinelli, G. A. Blake, and N. J. Evans, II, ApJ 740, 109 (2011).
202. T. J. Millar, A. Bennett, and E. Herbst, Astrophys. J. 340, 906–920 (1989).
203. H. Roberts, E. Herbst, and T. J. Millar, Astrophys. J. Letters 591, L41–L44 (2003).
204. A. G. G. M. Tielens, and L. J. Allamandola, “Composition, structure, and chemistry of interstellar
dust,” in Interstellar Processes, edited by D. J. Hollenbach, and H. A. Thronson, Jr., 1987, vol. 134
of Astrophysics and Space Science Library, pp. 397–469.
205. F. C. Adams, C. J. Lada, and F. H. Shu, Astrophys. J. 312, 788–806 (1987).
206. P. Andre, D. Ward-Thompson, and M. Barsony, Astrophys. J. 406, 122–141 (1993).
207. S. Bontemps, P. André, V. Könyves, A. Men’shchikov, et al., Astron. & Astrophys. 518, L85
(2010).
208. W. J. Fischer, S. T. Megeath, B. Ali, J. J. Tobin, M. Osorio, et al., Astron. & Astrophys. 518, L122
(2010).
209. A. J. Maury, P. André, A. Men’shchikov, V. Könyves, and S. Bontemps, Astron. & Astrophys. 535,
A77 (2011).
210. E. A. Bergin, T. G. Phillips, C. Comito, et al., Astron. & Astrophys. 521, L20+ (2010).
211. S. Wang, E. A. Bergin, N. R. Crockett, et al., Astron. & Astrophys. 527, A95 (2011).
212. A. Belloche, K. M. Menten, C. Comito, H. S. P. Müller, P. Schilke, J. Ott, S. Thorwirth, and
C. Hieret, Astron. & Astrophys. 482, 179–196 (2008).
213. J. M. Hollis, F. J. Lovas, and P. R. Jewell, Astrophys. J. Letters 540, L107–L110 (2000).
214. J. K. Jørgensen, C. Favre, S. E. Bisschop, T. L. Bourke, E. F. van Dishoeck, and M. Schmalzl,
Astrophys. J. Letters 757, L4 (2012).
215. D. P. Zaleski, N. A. Seifert, A. L. Steber, M. T. Muckle, et al., Astrophys. J. Letters 765, L10
(2013).
216. S. S. Prasad, and S. P. Tarafdar, Astrophys. J. 267, 603–609 (1983).
217. R. T. Garrod, S. L. W. Weaver, and E. Herbst, Astrophys. J. 682, 283–302 (2008).
218. S. E. Strom, K. M. Strom, and G. L. Grasdalen, Ann. Rev. Astron. Astrophys. 13, 187–216 (1975).
219. J. Muzerolle, N. Calvet, C. Briceño, L. Hartmann, and L. Hillenbrand, Astrophys. J. Letters 535,
L47–L50 (2000).
220. S. J. Kenyon, and L. Hartmann, Astrophys. J. 323, 714–733 (1987).
221. C. J. Burrows, K. R. Stapelfeldt, A. M. Watson, J. E. Krist, G. E. Ballester, J. T. Clarke, D. Crisp,
J. S. Gallagher, III, R. E. Griffiths, J. J. Hester, J. G. Hoessel, J. A. Holtzman, J. R. Mould, P. A.
Scowen, J. T. Trauger, and J. A. Westphal, Astrophys. J. 473, 437 (1996).
222. D. L. Padgett, W. Brandner, K. R. Stapelfeldt, S. E. Strom, S. Terebey, and D. Koerner, Astron. J.
117, 1490–1504 (1999).
223. S. J. Weidenschilling, Astrophys. Space Sci. 51, 153–158 (1977).
224. C. Hayashi, Progress of Theoretical Physics Supplement 70, 35–53 (1981).
225. S. M. Andrews, D. J. Wilner, A. M. Hughes, C. Qi, and C. P. Dullemond, Astrophys. J. 700,
1502–1523 (2009).
226. F. J. Ciesla, and S. B. Charnley, The Physics and Chemistry of Nebular Evolution, Meteorites and
the Early Solar System II, 2006, pp. 209–230.
227. E. Bergin, The Chemical Evolution of Protoplanetary Disks, University of Chicago Press, Theoret-
ical Astrophysics Series: Chicago, 2011, pp. 55–113.
228. D. A. Semenov, “Chemistry in protoplanetary disks,” in Physics of Space: the 41st Annual Student
Scientific Conference, edited by P. E. Zakharova, E. D. Kuznetsov, A. B. Ostrovskii, S. V. Salii,
A. M. Sobolev, K. V. Kholshevnikov, and B. M. Shustov, 2012, pp. 130–155.
229. R. L. Allen, G. M. Bernstein, and R. Malhotra, Astron. J. 124, 2949–2954 (2002).
230. F. J. Ciesla, and J. N. Cuzzi, Icarus 181, 178–204 (2006).
231. F. J. Ciesla, and S. A. Sandford, Science 336, 452– (2012).
232. S. A. Balbus, Magnetohydrodynamics of Protostellar Disks, University of Chicago Press, Theoret-
ical Astrophysics Series: Chicago, 2011, pp. 237–282.
233. K. Willacy, W. Langer, M. Allen, and G. Bryden, Astrophys. J. 644, 1202–1213 (2006).
234. D. Semenov, and D. Wiebe, Astrophys. J. Suppl. 196, 25 (2011).
235. G. J. Herczeg, J. L. Linsky, J. A. Valenti, C. M. Johns-Krull, and B. E. Wood, Astrophys. J. 572,
310–325 (2002).
236. E. Bergin, N. Calvet, P. D’Alessio, and G. J. Herczeg, Astrophys. J. Letters 591, L159–L162
(2003).
237. E. Schindhelm, K. France, G. J. Herczeg, E. Bergin, H. Yang, A. Brown, J. M. Brown, J. L. Linsky,
and J. Valenti, Astrophys. J. Letters 756, L23 (2012).
238. M. P. Bernstein, S. A. Sandford, L. J. Allamandola, J. S. B. Gillette, S. J. Clemett, and R. N. Zare,
Science 283, 1135 (1999).
239. M. P. Bernstein, J. P. Dworkin, S. A. Sandford, G. W. Cooper, and L. J. Allamandola, Nature 416,
401–403 (2002).
240. K. France, E. Schindhelm, G. J. Herczeg, A. Brown, H. Abgrall, R. D. Alexander, E. A. Bergin,
J. M. Brown, J. L. Linsky, E. Roueff, and H. Yang, Astrophys. J. 756, 171 (2012).
241. C. Qi, K. I. Oberg, D. J. Wilner, P. d’Alessio, E. Bergin, S. M. Andrews, G. A. Blake, M. R.
Hogerheijde, and E. F. van Dishoeck, Science 341, 630– (2013).
242. K. I. Öberg, C. Qi, J. K. J. Fogel, E. A. Bergin, S. M. Andrews, C. Espaillat, T. A. van Kempen,
D. J. Wilner, and I. Pascucci, Astrophys. J. 720, 480–493 (2010).
243. K. I. Öberg, C. Qi, J. K. J. Fogel, E. A. Bergin, S. M. Andrews, C. Espaillat, D. J. Wilner, I. Pascucci,
and J. H. Kastner, Astrophys. J. 734, 98 (2011).
244. S. Guilloteau, E. Di Folco, A. Dutrey, M. Simon, N. Grosso, and V. Piétu, Astron. & Astrophys.
549, A92 (2013).
245. A. Dutrey, S. Guilloteau, and P. Ho, “Interferometric Spectroimaging of Molecular Gas in Proto-
planetary Disks,” in Protostars and Planets V, edited by B. Reipurth, D. Jewitt, and K. Keil, 2007,
pp. 495–506.
246. E. A. Bergin, Y. Aikawa, G. A. Blake, and E. F. van Dishoeck, “The Chemical Evolution of
Protoplanetary Disks,” in Protostars and Planets V, 2007, p. 751.
247. J. S. Carr, and J. R. Najita, Science 319, 1504– (2008).
248. C. Salyk, K. M. Pontoppidan, G. A. Blake, F. Lahuis, E. F. van Dishoeck, and N. J. Evans, II,
Astrophys. J. Letters 676, L49–L52 (2008).
249. I. Pascucci, D. Apai, K. Luhman, T. Henning, J. Bouwman, M. R. Meyer, F. Lahuis, and A. Natta,
Astrophys. J. 696, 143–159 (2009).
250. K. M. Pontoppidan, C. Salyk, G. A. Blake, R. Meijerink, J. S. Carr, and J. Najita, Astrophys. J.
780, 887 (2010).
251. C. Salyk, K. M. Pontoppidan, G. A. Blake, J. R. Najita, and J. S. Carr, Astrophys. J. 731, 130
(2011).
252. E. A. Bergin, M. R. Hogerheijde, C. Brinch, et al., Astron. & Astrophys. 521, L33+ (2010).
253. M. R. Hogerheijde, E. A. Bergin, C. Brinch, et al., Science 334, 338–340 (2011).
254. K. Zhang, K. M. Pontoppidan, C. Salyk, and G. A. Blake, Astrophys. J. 766, 82 (2013).
255. M. Simon, A. Dutrey, and S. Guilloteau, Astrophys. J. 545, 1034–1043 (2000).
256. K. A. Rosenfeld, C. Qi, S. M. Andrews, D. J. Wilner, S. A. Corder, C. P. Dullemond, S.-Y. Lin,
A. M. Hughes, P. D’Alessio, and P. T. P. Ho, Astrophys. J. p. in press (2012).
257. S. Casassus, G. van der Plas, S. P. M, W. R. F. Dent, E. Fomalont, J. Hagelberg, A. Hales, A. Jordán,
D. Mawet, F. Ménard, A. Wootten, D. Wilner, A. M. Hughes, M. R. Schreiber, J. H. Girard,
B. Ercolano, H. Canovas, P. E. Román, and V. Salinas, Nature 493, 191–194 (2013).
258. F. Boulanger, and M. Perault, Astrophys. J. 330, 964–985 (1988).
259. E. Habart, A. Natta, and E. Krügel, Astron. & Astrophys. 427, 179–192 (2004).
260. J. Bouwman, H. M. Cuppen, A. Bakker, L. J. Allamandola, and H. Linnartz, Astron. & Astrophys.
511, A33 (2010).
261. P. D’Alessio, N. Calvet, and L. Hartmann, Astrophys. J. 553, 321–334 (2001).
262. C. Espaillat, E. Furlan, P. D’Alessio, B. Sargent, E. Nagel, N. Calvet, D. M. Watson, and J. Muze-
rolle, Astrophys. J. 728, 49 (2011).
263. V. C. Geers, J.-C. Augereau, K. M. Pontoppidan, C. P. Dullemond, R. Visser, J. E. Kessler-Silacci,
N. J. Evans, II, E. F. van Dishoeck, G. A. Blake, A. C. A. Boogert, J. M. Brown, F. Lahuis, and
B. Merín, Astron. & Astrophys. 459, 545–556 (2006).
264. H.-P. Gail, Astron. & Astrophys. 390, 253–265 (2002).
265. J.-E. Lee, E. A. Bergin, and H. Nomura, Astrophys. J. Letters 710, L21–L25 (2010).
266. M. E. Kress, A. G. G. M. Tielens, and M. Frenklach, Advances in Space Research 46, 44–49 (2010).
267. J. Geiss, Astron. & Astrophys. 187, 859–866 (1987).
268. C. Qi, K. I. Öberg, D. J. Wilner, and K. A. Rosenfeld, Astrophys. J. Letters 765, L14 (2013).
269. J. K. Jørgensen, and E. F. van Dishoeck, Astrophys. J. Letters 710, L72–L76 (2010).
270. R. Visser, J. K. Jørgensen, L. E. Kristensen, E. F. van Dishoeck, and E. A. Bergin, Astrophys. J.
769, 19 (2013).
271. E. F. van Dishoeck, G. A. Blake, B. T. Draine, and J. I. Lunine, “The chemical evolution of
protostellar and protoplanetary matter,” in Protostars and Planets III, edited by E. H. Levy, and
J. I. Lunine, 1993, pp. 163–241.
272. S. Maret, E. A. Bergin, and C. J. Lada, Nature 442, 425–427 (2006).
273. J. Daranlot, U. Hincelin, A. Bergeat, M. Costes, J.-C. Loison, V. Wakelam, and K. M. Hickson,
Proceedings of the National Academy of Science 109, 10233–10238 (2012).
274. S. Bottinelli, A. C. A. Boogert, J. Bouwman, M. Beckwith, E. F. van Dishoeck, K. I. Öberg, K. M.
Pontoppidan, H. Linnartz, G. A. Blake, N. J. Evans, II, and F. Lahuis, Astrophys. J. 718, 1100–1117
(2010).
275. S. Wyckoff, S. C. Tegler, and L. Engel, Astrophys. J. 367, 641–648 (1991).
276. J. J. Tobin, L. Hartmann, H.-F. Chiang, D. J. Wilner, L. W. Looney, L. Loinard, N. Calvet, and
P. D’Alessio, Nature 492, 83–85 (2012).
277. A. L. Kraus, and M. J. Ireland, Astrophys. J. 745, 5 (2012).
278. S. P. Quanz, A. Amara, M. R. Meyer, M. A. Kenworthy, M. Kasper, and J. H. Girard, Astro-
phys. J. Letters 766, L1 (2013).
